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Plan of the talk

Various formation channels for binary BHs and their inherent 
uncertainties
The dynamical formation channel for binary black holes (BBHs)

Processes controlling formation efficiency and properties
Key differences from other channels
Implications for advanced LIGO

A critical look at our understanding of the dynamical process 
(what’s robust and what’s not)

Initial binary properties, distribution of stars, etc. does not matter
BH formation physics, retention fraction, etc. matters

Possible ways to improve our understanding of merging binary 
BH formation

Summary & burning questions



Figure 1: Example binary evolution leading to a BH-BH merger similar to GW150914. A
massive binary star (96 + 60 M⊙) is formed in the distant past (2 billion years after Big Bang;
z ∼ 3.2) and after five million years of evolution forms a BH-BH system (37+31 M⊙). For the
ensuing 10.3 billion years this BH-BH system is subject to angular momentum loss, with the
orbital separation steadily decreasing, until the black holes coalesce at redshift z = 0.09. This
example binary formed in a low metallicity environment (Z = 3% Z⊙).

14

[B
el

cz
yn

sk
i+

  1
6]

Is
ol

at
ed

 B
in

ar
y 

Ev
ol

ut
io

n



Isolated Binary Evolution
Case M binary black holes 2637

Figure 1. A schematic representation of the implications of ‘normal’ versus
chemically homogeneous evolution in a close binary system. The effects of
enhanced mixing cause the star to shrink inside its Roche lobe instead of
expanding, and avoid a large amount of mass loss. This evolutionary path
can, in principle, lead to the formation of massive stellar black holes in a
close binary system. Figure adapted from de Mink et al. (2008).

Also, Szécsi et al. (2015) argue that chemically homogeneously
evolving stars may provide an explanation for the He II ionizing
photon flux in I Zw 18 and other low-metallicity He II galaxies.

These studies cannot be considered as satisfactory proof of the
chemically homogeneous evolution scenario, but justify speculating
about its possible implications with the aim of identifying further
opportunities to test this scenario.

2.5 Chemically homogeneous evolution in binary systems

High stellar spins can be achieved in binary systems as a result of
spin-up by mass accretion (Packet 1981; Cantiello et al. 2007; de
Mink et al. 2013) or tidal spin-up in very close binary systems (Zahn
1989; Izzard, Ramirez-Ruiz & Tout 2004; Detmers et al. 2008; de
Mink et al. 2009). In the latter systems, when tides synchronize the
stellar rotation rates with the orbital revolution, the conditions for
chemically homogeneous evolution can be reached. de Mink et al.
(2008, 2009) demonstrated this possibility with binary evolutionary
calculations adopting the same assumptions as Yoon et al. (2006)
and Brott et al. (2011a), respectively, for the rotationally induced
mixing processes.

This can lead to surprising effects. The classical models predict
that the two stars in very close binaries come in contact soon af-
ter the onset of Roche lobe overflow and are expected to merge.
The possibility of chemically homogeneous evolution changes this
classic picture, leading to a type of evolution referred to as Case M
by de Mink et al. (2009) to emphasize the role of mixing; this is
illustrated in Fig. 1. The two stars slowly shrink inside their Roche
lobe as they become more and more helium rich. Over the course of
the main sequence, they stay within but close to their Roche lobes.
When no more hydrogen is left in the centre, the stars fully contract

Figure 2. The window for chemically homogeneous evolution in close
tidally locked equal-mass binary systems, where the stellar spin period
equals the orbital period. The lower part of the diagram is excluded due
to the finite size of the stars at zero age. In the upper part of the diagram,
the stellar components do not rotate rapidly enough to evolve chemically
homogeneously during the central hydrogen burning phase according to the
models of Yoon et al. (2006). Stars in the intermediate window, with masses
!40 M⊙ and periods of ∼1.5–2.5 d, may undergo this type of evolution
and avoid Roche lobe overflow entirely. Only binaries below the dotted line
satisfy the more stringent threshold on chemically homogeneous evolution
introduced in Section 7.1.

to form a massive double helium star binary, without ever overfill-
ing their Roche lobes and initiating mass transfer, preventing both
severe mass loss and possible merger.

The rotational rates required for chemically homogeneous evolu-
tion, 20–30 per cent of the Keplerian velocity (see Section 2.3), can
be achieved in very close tidally locked binary systems. In a tidally
locked binary system, where the nearly equal-mass stars are close
to filling their Roche lobe, synchronized spins correspond to about
a third of the Keplerian rotational velocity. This means that there
should be a small parameter space window for chemically homo-
geneous evolution in tidally locked binary systems. This assumes
that the mixing processes in tidally locked binaries are at least as
efficient as they are in single stars. Detailed simulations of such
systems were presented initially by de Mink et al. (2009) and later
by Song et al. (2013, 2016), Marchant et al. (2016).

In Fig. 2, we visualize the parameter space in a diagram similar to
the one first presented in de Mink et al. (2008). The short-period sys-
tems would already overflow their Roche lobes at zero age, and are
therefore excluded. For wide-period systems, tidal synchronization
results in spin periods that are too low for chemically homogeneous
evolution, and we expect the stars to evolve normally. We find a
small window for stars with masses ! 40 M⊙ and orbital periods
between ∼1.5 and ∼2.5 d, which permits chemically homogeneous
evolution.

2.6 The role of stellar winds: mass loss and angular
momentum loss

At the metallicities of interest for this channel, Z " 0.004, the radia-
tively driven winds are strongly reduced as predicted by Vink, de
Koter & Lamers (2000, 2001) and empirically verified by Mokiem
et al. (2007). However, given the brightness and high temperatures

MNRAS 458, 2634–2647 (2016)
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Chemically homogeneous evolution



Dense Star Clusters



Physical Processes

Two-body relaxation

• Cumulative effect of a sequence of weak pair-wise gravitational 
interactions is a slow diffusion of energy 

• Natural consequence is mass segregation

trelax ⇠ N

lnN
tcross

tcross << trelax < Age

105 yr 109 yr 1010 yr
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< M >
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Physical Processes

Two-body relaxation

Strong Scattering & Binary Burning



What makes GCs efficient factories of BBHs

 Most massive BHs sink to the center

 High density allows BBH formation

 via exchange encounters

 via three-body binary formation

 via GW capture

 BBH orbits keep shrinking via super-elastic encounters 

potentially making them merge within a Hubble time

 The above process goes on until the binary is ejected due 

to recoil



Chaotic Interactions
Properties of BBHs are Determined by Dynamics

(almost) nothing else

⟨v2⟩r
∼

GM(r)
2r

From virial theorem:

⟨v2
escape⟩r

= − 2ϕ(r) =
2GM(r)

r

Escape speed:

EB >
1
2

⟨m⟩ ⟨v2⟩ ∼
⟨m⟩ GM

4r

Which binaries survive in the cluster?

⟨vrecoil⟩ ∼ vorb > ⟨v2
escape⟩

1/2
∼ ( 2GM

r )
1/2

Which binaries get ejected?

Separation and tinspiral



Chaotic Interactions
Properties of BBHs are Determined by Dynamics

(almost) nothing else



105 106 107

Cluster Mass ( )

10-3

10-2

10-1

100

Pr
ob

ab
ili

ty

Globular Cluster
Mass Function

[H
arris 14]

Massive Star Clusters are Most Efficient in 
Merging BBH Production Per Star
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Unique Aspects of the Dynamical 
Formation Channel

The merging binaries are NOT primordial
Not dependent on uncertain binary evolution stages
Initial binary fraction and properties have little effect

BH spins are randomly oriented relative to the orbit

High eccentricity during formation
Eccentricity can decay before reaching ~10 Hz
In some cases eccentricities can be very high even at high frequency 
(e.g., GW capture)

Second generation (2G) mergers
If a merger is not ejected from cluster, it quickly acquires a BH 
companion and attains merging architecture 
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FIG. 4. The distribution of total BBH masses for the mergers from our four GC populations with di↵erent birth spins for 1G
BHs. The �birth = 0.0, 0.1, 0.2, and 0.5 distributions are shown in each row from top to bottom. The left hand column shows
all mergers over all redshifts, while the middle column shows mergers occurring in the local universe (z < 1). The right hand
column shows the distribution of BBHs detectable by a three-detector LIGO/Virgo operating at design sensitivity. The filled
grey histogram shows the distribution of all BBH mergers, while the solid blue, dashed orange, and dot-dashed green lines
show the contribution from 1G+1G, 1G+2G, and 2G+2G mergers, normalized to the total number of BBH mergers from all
generations. In the detectable column, the fuchsia and turquoise ticks show the the total masses from the LIGO/Virgo and
IAS catalogs from O1 and O2.

since only 9% of detected BBHs have total source-frame
masses greater than the most massive BBH identified to
date [GW170729, at 85M�, 6], and only 4% of detected
BBHs have total masses greater than 100M�, even when
�birth = 0.0. These fractions decrease to 2% above 85M�
and 0.5% above 100M�, respectively, when �birth = 0.5.
However, as the size of the LIGO/Virgo BBH catalog
continues to grow, it will become easier to either identify
(or rule out the existence of) such massive BBHs in the
universe.

In Figure 5, we break down the events presented in
Figure 4 into their individual components. Instead of
showing full 2D histograms, for simplicity we only show

where 50%, 90%, and 99% of all sources lie in the m1-
m2 plane. We also show which bins are dominated by
1G+2G and 2G+2G mergers. There it becomes obvi-
ous that any significant number of detections, certainly
within the 90th percentile, cannot be produced with com-
ponent masses above 40M� when the birth spins of BHs
are large. We also note that GW170729 can be easily
formed in the �birth = 0.0 models, where it lies in the re-
gion and mass bin that is dominated (more than 50% of
mergers) by 2G BHs, although many of the BBHs in that
region are also composed of 1G BHs. This is consistent
with statistical studies of GW170729 [115, 116], suggest-
ing that while the event is consistent with a 2G BBH

BBH Mergers
Mass
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BBH Mergers
χeff
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FIG. 7. Similar to Figure 4, but showing instead the distribution of e↵ective spins for all BBH mergers from the four GC
spin populations. Note that we have reweighted the posterior distributions from the IAS catalog to use a prior probability
distribution with uniform spin magnitudes and isotropic spin orientations.

fortunately, what GW experiments measure best is not
the individual spins of the components, but the e↵ective
spin of the BBH, �e↵ , given by the mass-weighted pro-
jection of the spins onto the orbital angular momentum
of the binary:

�e↵ =


m1 ~�1 +m2 ~�2

m1 +m2

�
· L̂ . (3)

For dynamically-assembled BBHs, the angle between the
spin and orbital angular momenta is expected to be
isotropically distributed [105], suggesting that the distri-
bution of �e↵ should be symmetric and centered on zero,
with a tail determined by the spins of the components
and the mass ratio distribution of the binaries.

In Figure 7, we show the �e↵ distributions for our
four �birth populations. If we assume that LIGO/Virgo

can confidentially exclude non-zero spins for BBHs with
|�e↵ | & 0.2 [e.g., 6, 124], then the worst-case scenario
for detecting the spin of BBHs from dense star clusters
is the case where �birth = 0.2. There, only 1% (2%) of
the actual (observed) distribution of BBHs will merge
with |�e↵ | > 0.2. If 1G BHs are born with no spin, the
production of 2G BBH mergers through repeated merg-
ers can produce a population with significant spin, with
8% (11%) of the actual (observed) population of BBHs
having |�e↵ | > 0.2. On the other hand, if the spins of
1G BHs are 0.5, then 37% of all BBH mergers (actual
and observed) will have |�e↵ | > 0.2. Because we have
assumed that all 1G BHs are born with the same spins
regardless of their masses, there is no di↵erence between
the observed and actual distributions of �e↵ for 1G BBH
mergers. However, because BBHs with 2G components
are characteristically more massive, they are detectable
in a larger volume of space.
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BBH Mergers

in Sec. II C. While the total number of GW captures has
increased significantly, the fraction of mergers with meas-
urable eccentricities is identical to our previous results,
with roughly 4% of all mergers from GCs entering the
LIGO/Virgo band with eccentricities greater than 0.1. This
fraction increases to ∼6% if we consider the lower thresh-
old (e≳ 0.05) for measurably eccentric BBHs recently
proposed by [106], although we note that study focused
on BBH mergers with masses similar to GW150914
(30 M⊙ þ 30 M⊙), which is more massive than the typical
highly eccentric merger identified here (see Sec. III B).

A. Why BBHs merge where they do

Of these dynamical channels, what primarily differ-
entiates the three? As binaries interact with other BHs
and stars in the cluster, hard binaries (those whose binding
energy is greater than the typical kinetic energy of
surrounding stars and BHs) will preferentially harden after
each encounter, shrinking their semimajor axes and leaving
the encounter with some fraction of that binding energy
converted to kinetic energy. This statistical inevitability,
known as Heggie’s law [107], will continue, producing
harder and harder binaries until the binary either merges
(due to GW emission) or is ejected from the cluster by the
recoil of the encounter. Which of these two available
pathways a binary takes is largely a matter of timescales.
After an encounter, the survival of a binary is dictated by
the competition of two timescales: the timescale for GW
emission to drive a binary to merge, given by

TGW ∝ a4ð1−e2Þ7=2; ð5Þ

where a is the semimajor axis of the binary, and e is the
eccentricity, and the average time between successive
binary encounters, which scales as

Tbs ∝ na2σ
!
1þ GM

2aσ2

"
; ð6Þ

where n is the number density of single particles and σ is
the typical velocity dispersion. As shown by Heggie, each
resonant encounter (between objects of near-equal masses)
will produce binaries with eccentricities drawn from a
thermal distribution, pðeÞde ¼ 2ede. Because of the
extreme dependence of TGW on the orbital eccentricity,
if a binary leaves any scattering encounter with a suffi-
ciently high eccentricity, it can easily merge before being
disrupted or disturbed by a third body.
In Fig. 4, we show the post-encounter eccentricities and

semimajor axes for each BBH after its last encounter in the
cluster. For ejected BBHs, this is also the encounter
responsible for its ejection. Here, it is immediately obvious

FIG. 3. The eccentricities at a GW frequency of 10 Hz for all
BBHs from GCs. We show separately the eccentricities for the
primordial binaries (BBHs from preexisting stellar binaries, in
dotted green), the BBHs that merge after being ejected from the
cluster (in dot-dashed blue), the BBHs that merge in the cluster
as isolated binaries (in dashed orange), and the binaries which
merge due to GWemission during resonant three- and four-body
encounters between BHs (in solid red). Each curve is normal-
ized to the total number of BBH mergers (in solid gray)
and weighted using the cosmological model described in
Sec. II A. The top panel shows all mergers, while the bottom
panel is restricted to mergers in the local universe (z < 1). The
insert in the bottom panel shows the cumulative distribution
of eccentricities for all BBH mergers from GCs at different
redshifts. In each plot, we show the minimum measurable
eccentricity of BBH mergers in Advanced LIGO/Virgo
[e ∼ 0.05, from [106]].
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Eccentricity

dependent stellar-wind prescriptions (Vink et al. 2001; Vink &
de Koter 2005; Belczynski et al. 2010), and additional
mechanisms to account for fallback in neutrino-driven super-
novae(Fryer et al. 2012). For this study, we adopt the fiducial
models of Rodriguez et al. (2016a), which are based on the
most recent stellar evolution prescriptions for galactic fields
(Dominik et al. 2013).

Our population of dynamically formed binaries is taken from
a collection of 48 GC models developed in Rodriguez et al.
(2016a) with the Cluster Monte Carlo (CMC) code (Pattabira-
man et al. 2013, and the references therein). CMC employs a
statistical approach to stellar dynamics, first developed by
Hénon (1975), which enables the modeling of star clusters with
a significantly greater number of particles than a direct N-body
simulation, while still employing the necessary physics—single
and binary stellar evolution with BSE, three-body and four-
body strong gravitational encounters (Fregeau & Rasio 2007),
and dynamical three-body binary formation (Morscher et al.
2013)—to fully characterize the dynamical BBH merger
problem. We neglect long-term secular effects (e.g., Antonini
et al. 2014, 2016) and relativistic dynamical scattering (e.g.,
Samsing et al. 2014), which are expected to contribute to the
overall BBH population at the ~1% or lower level, according
to these studies.

These 48 GC models span a range of initial particle numbers
( = ´ ´ ´ ´N 2 10 , 5 10 , 1 10 , and 2 105 5 6 6), initial vir-
ial radii ( =R 1, 2 pcv ), and stellar metallicities ( = :Z Z0.25 ,

: :Z Z0.05 , and 0.01 ), with two statistically independent mod-
els generated for each set of initial conditions. As was done in
Rodriguez et al. (2016a), we assume that the GC population
of the local universe is comprised of ~44% high-metallicity
GCs ( :Z0.25 ), and ~56% low-metallicity GCs ( :Z0.05 and

:Z0.01 ). Furthermore, we assign to each GC a tidal radius
based on its galactocentric distance, which we assume to be
correlated to its stellar metallicity based on observations of the
Milky Way and other galaxies (Harris 2010). We finally
assume a log-normal GC mass function, based on recent
observations of the GC luminosity function in brightest-cluster
galaxies (Harris et al. 2014) and a mass-to-light ratio of 2 for
old stellar systems (e.g., Bell et al. 2003).

We draw a sample of BBHs ejected from our 48 GC models
by randomly selecting binaries from each model. The number
of binaries selected from a given model is determined by its
weight, which we assign by dividing the GC mass function into
bins, the midpoints of which are set by the average mass of GC
models with the same initial particle number. The integral of
the GC mass function over that bin then determines the weight
assigned to that model. In other words, GC models with larger
masses ( ´ :M3 105 to ´ :M6 105 , corresponding to models
with initial particle numbers of 1×106 and 2×106)
contribute more binaries than clusters with smaller masses
(see Rodriguez et al. 2016a for details). Once we select this
population of binaries from all clusters, we generate a five-
dimensional Gaussian kernel density estimate (KDE) from the
formation masses, separation, eccentricity, and ejection times
of the BBH population. We sample 1000 BBHs from the KDE
that evolve to the LISA band at = -f 10 5 Hz in the last gigayear
before the present time. We assume that all GCs were formed
12±1 Gyr ago, and we assign to each binary a cluster birth
time drawn from a similar Gaussian distribution. The
modulated cluster ages allow us to account for the observed
spread in ages of GCs (e.g., Correnti et al. 2016). We require

the dynamically formed BBHs to enter the LISA band in the last
gigayear before the present time.
We generate galactic field populations from four sets of 106

initial binaries sampled from standard probability distribution
functions to assign each binary with an initial metallicity (Z),
primary mass (m), mass ratio (q), orbital separation (a), and
eccentricity (e). The population models compare four different
metallicities = : : :Z Z Z Z1 , 0.25 , 0.05 ,( and :Z0.01 ), with
the sub-solar metallicities being consistent with the metalli-
cities used in the GC models. For the initial primary mass we
adopt the stellar IMF .x µ -

:m m m M, 12.3( ) (Kroupa 2001)
with a primary mass limit of 150 Me. We assume a uniform
initial mass ratio distribution consistent with current observa-
tional constraints (Mazeh et al. 1992; Goldberg & Mazeh 1994;
Kobulnicky et al. 2014). We assume that initial orbital
separations are distributed uniformly in alog ( ) at wide
separations ( - - ´: :R a R10 5.75 106 ) and fall off linearly
at small separations as z µa a a0

1.2( ) ( ) , < :a R10 (Han
1998). The initial eccentricities are distributed thermally
(Heggie 1975) as h =e e2( ) .
We evolve the galactic field population for 13.87 Gyr using

the same binary evolution models as the GC population,
creating an equivalent population to the GC population but
without dynamics. We log the birth parameters of each BBH,
including important formation processes like the number of
common-envelope episodes and the natal kicks imparted to the
binary from the birth of each black hole. Just as with the
dynamically formed BBHs, we require the low-metallicity
( < :Z Z ) BBHs to enter the LISA band in the last gigayear

Figure 1. Eccentricity evolution tracks as a function of GW frequency for
BBHs formed both dynamically in dense stellar environments and in isolation
in galactic fields. Black lines denote BBHs ejected from GCs and green and
blue lines denote 1CE and 0CE BBHs evolved in galactic fields. The lower
horizontal red line denotes the measurable eccentricity ( -e 0.001) for 90%
(25%) of BBHs observed for =T 5 yearsobs (2 yr). The upper horizontal red
line shows the eccentricity ( -e 0.01) that will always be measurable for any
observed BBH. The gray band highlights the LISA frequency range and the
blue band highlights the frequency range where BBHs with a chirp mass of
% 2 :M6c are expected to have measurable frequency evolution.
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BBH Mergers

Merger types:   after ejection     in-cluster        GW capture
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• Retention fraction of BHs in GCs
• hard to measure directly
• depends on the above considerations and dynamical ages of star 

clusters

• BH birth mass function
• lacks observational constraints
• models are not adequate to provide assumption-independent 

theoretical constraints

• BH birth kick distribution
• lacks observational constraints; when available, constraints are 

confusing (e.g., Repetto+2012, 2017; Pejcha+2015)

• Common-envelope evolution
• parameterised prescriptions exist, results too sensitive on 

parameters

The Burning Questions

Need
s la

rge
 number o

f dete
ctio

ns

Indirec
t Evid

ence!

Pr
ob

le
m

 fo
r 

al
l c

ha
nn

el
s



Measuring BH Retention
Dynamical Signature e.g., Mass Segregation (Δ)

Requirements:

• Must be able to 
u n i q u e l y a n d 
consistently define 
groups in observed 
clusters and models

• Each group must 
h a v e l a r g e 
memberships

• Need to be very 
careful about biases

[Weatherford+ 17]
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GAIA may detect thousands of BHs in the Milky Way

[Breivik+ 17]

uncertain BH natal kicks from the properties of detected BH-
LCs at longer orbital periods.

3.2. Gaia-observable Population

Figure 3 shows the number of systems observable by Gaia
(Nobs) as a function of limiting G magnitude. The number of
observable systems is inversely related to the BH natal kick
strength because the likelihood of unbinding a BH-LC
progenitor increases with kick strength.

Table 1 shows the result of our astrometric cuts. The total
number of BH-LCs formed in our models is roughly consistent
with the estimates in Mashian & Loeb (2017). However, the
majority of the systems formed lie above our upper Porb cut
(Figure 2). In addition to the natal kick prescription, the
Galactic component has a noticeable effect on the number of
BH-LC systems. Because the thick disk is modeled as a single
star burst 11 Gyr ago, all of the LCs in the thick disk at present
are low mass. Large natal kicks for BHs such as our NS-kick
model affect BH-LCs with low-mass LCs more (Figure 2;
Section 3.1). As a result, in the thick disk, the NS-kick model
yields a very low Nobs. The adopted continuous SFR in the thin
disk keeps Nobs relatively high even for the NS-kick model by
forming high-mass luminous stars very close to the present
epoch.

We estimate 3800–12,000 BH-LCs in the MW are detectable
by Gaia depending on adopted BH natal kick strengths and
demand of the astrometric cut. Considering all of the cases, we
predict at least 103 BH-LCs observable by Gaia.

Note that carefully considering astrophysics and Gaia’s
selection biases in our study has reduced the predicted yield by
a factor of ∼10−2 relative to the prediction by Mashian & Loeb
(2017). Still, our predicted yield is nearly two orders of
magnitude higher than the number of BH binaries already
known. Thus, Gaia observations could dramatically improve
our understanding of BHs and BH binaries in particular.

Figure 2. Two-dimensional probability dimension functions (PDFs) for all of the BH-LCs in the MW in the LC-mass vs. orbital period plane. The top and bottom
rows show distributions for the thin and thick disk, respectively. Columns (a)–(c) show Zero-kick, FB-kick, and NS-kick models, respectively. Light blue bands show
the spread of orbital periods observable by LISA. Blue lines represent an approximate upper limit for accreting BHs via Roche-lobe overflow (estimated using

» :M M36BH , the most massive BH created in our models). Yellow bands bounded by dotted lines show the Gaia-observable range, spanning �P 0.5 dayorb
to 5 years.

Figure 3. Mean number of observable BH-LCs as a function of limiting G
magnitude computed from 500 Galactic realizations. Shades show s3 regions
above and below the mean denoted by the lines. Dashed (solid) lines denote our
estimates using pessimistic (optimistic) astrometric cuts (Section 2.4). Blue,
red, and black shading denote Zero-kick, FB-kick, and NS-kick models,
respectively.

Table 1
Average Number of BH-LCs Observable by Gaia from 500 Galactic
Realizations with <G 20 for Our Optimistic and Pessimistic Cuts

(Section 2.4)

Model Component Total Obs. Opt. Obs. Pess.

Zero-kick Thin disk 475840 9120 5145
Thick disk 28197 2708 1159

FB-kick Thin disk 250707 4632 2786
Thick disk 12523 2918 1170

NS-kick Thin disk 71653 4823 3249
Thick disk 6561 1283 480
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Summary
Key features and uncertainties of formation channels

The dynamical formation channel for binary black holes (BBHs)
Well understood processes control formation efficiency and properties
Key observable differences: mass, eccentricity, spin

A critical look at our understanding of rates and properties
BH formation physics, BH retention fraction, etc.

Possible ways to improve our understanding
Indirect measurements of BH population in today’s GCs
Potential detection of many BHs and other compact binaries using Gaia.

Burning Questions!!!
How much to trust our common-envelope evolution prescriptions?

We need better constraints for supernova physics
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captures with measurable eccentricities of e > 0.05
(e > 0.1). Note that these rates assumed the “standard”
merger rate estimate of [69], which assumed a 1=M2 CIMF
for clusters (as we have done here). However, this rate is
sensitive to the contribution from high mass clusters, and
can decrease by a factor of 3 as the CIMFmaximummass is
decreased from 107 M⊙ to 106 M⊙, which would further
decrease the rates presented here. At the same time, the
fraction of GW captures does depend strongly on the
contribution from binary-binary BBH encounters, which
become more important at lower cluster concentrations and
masses [52].
Given that the LIGO/Virgo merger rates for BBH

mergers in the local universe are anywhere from
32þ33

−22Gpc
−3 yr−1 (if a log-uniform BH mass function is

assumed) to 103þ110
−63 Gpc−3 yr−1 (if a BH mass function

following am−2.35 power law is assumed), the rate of highly
eccentric mergers is obviously not a dominant component
of the total BBH merger rate. Taking the upper and lower
90% credible regions from the LIGO/Virgo rate as a bound,
measurably eccentric GW captures may contribute any-
where from 0.25% to 5% of the total BBH merger rate.
While this represents only a small fraction of the total
merger rate, the distinct eccentricities demonstrated here
would provide a key discriminant between the many
formation channels for BBH mergers.

V. CONCLUSIONS

In this paper, we have explored the formation and
eccentricities of merging BBHs formed dynamically in

GCs, with a particular focus on binaries that form during
resonant encounters between BHs and BBHs, and taking
into account the gravitational radiation reaction. For the
first time, we are able the study these systems in a fully
cosmological context [68] with a realistic population of GC
models, whereas previous studies have been limited to
isolated scattering experiments [e.g., [47,49,50,55]] or
isolated models that were not representative of the observed
population of clusters [e.g., [32]]. We find that, when
considering clusters with realistic initial conditions, GW
captures contribute 12% (10%) of all BBH mergers from
GCs at all redshifts (for redshifts z < 1). These mergers
tend to have lower total masses than the BBHs that merge
after ejection from the cluster, since the most massive BHs
in the cluster were ejected many Gyr before the present day.
However, this trend is less pronounced when considering a
realistic formation history of GCs across cosmic time, and
becomes even weaker when multiple generations of BHs
are allowed to form.
Combining the results of these simulations with the

cosmological merger rate estimate from [69], we find that
GW captures from GCs occur at a rate of 1–2 Gpc−3 yr−1,
in the local universe, increasing to a rate of 6 to
18 Gpc−3 yr−1 at redshift 2.7 to 2.9, depending on what
assumptions are made about the initial virial radius of the
cluster. When restricting ourselves to mergers that enter the
LIGO/Virgo band with measurable eccentricities, we find
local merger rates of 0.7 and 0.5 Gpc−3 yr−1 for binaries
that have eccentricities greater than 0.05 and 0.1, respec-
tively. While this represents a small fraction of the total
LIGO/Virgo merger rate (thought to be between 10 and
213 Gpc−3 yr−1 at 90% confidence), the anticipated detec-
tion rate of one BBH merger per week for the upcoming
LIGO/Virgo observing run suggests that the detection of a
BBH with measurable eccentricity may be imminent.
Furthermore, proposed third-generation GW observatories,
such as Cosmic Explorer [114] and the Einstein Telescope
[115], can potentially measure BBH mergers beyond red-
shift 10. Coupled with an anticipated increase in the
sensitivity to lower-frequency GWs, we see that the merger
rates presented in Fig. 10 may be directly measurable
across cosmic time. However, this will depend on how well
the proposed GW detectors can measure orbital eccentric-
ity: while some studies [106] have suggested measurement
accuracies as low as e∼10−4, it has been noted that the
parameter-estimation degeneracies between the BH spins
and orbital eccentricities may complicate efforts to measure
eccentricities below 0.1 [58].
While eccentricity is a clear indicator of dynamical

processes in the formation of BBH mergers, there is
significant work to be done to ascertain the eccentricity
distributions associated with different dynamical channels.
There are several dynamical formation channels, including
mergers from isolated field triples [44], GW captures
around super-massive BHs [48], triples and captures

FIG. 10. The merger rate of GW captures across cosmic time.
Here, we use the merger rate from the in-cluster mergers of [69],
normalized to the fraction of mergers that occur as highly
eccentric captures. We show the merger rate of all GW captures
in red, and show how the merger rate depends on the initial virial
radii of the clusters. In black, we show the fraction of these events
which merge with eccentricities greater than 0.05 and 0.1 in
dashed and solid black, respectively.
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Figure 3. Time variation of central gravitational potential through a core oscillation around 200 Myr for model n16w7rg20 (lower right panel in Figure 2). Top left:
zoom-in on the Lagrange radii from about 180–220 Myr. The radial coordinate is given in units of the initial half-mass radius (rh(0)). The three solid curves are the
0.1%, 1%, and 10% (from bottom to top) Lagrange radii of the BHs, and the dotted curve is the 0.1% radius for all non-BH stars. The vertical dashed lines indicate
the times when three-body binaries were formed. The vertical solid red lines specify the period of time that we focus on in both the right and the lower panels, which
covers a deep collapse and subsequent re-expansion. Top right: the full gravitational potential, φ(r), at four different times (as indicated on the lower panel), in units of
GM/rh, where M is the total cluster mass and rh is the half-mass radius, at that particular time. Bottom: zoom-in on the central potential, showing the radial positions
of the innermost 50 BHs (red ticks) and non-BHs (blue ticks) at each time.

(with initial Rv = 1 pc) and those at the smallest Galactocentric
distances (RG = 2 kpc), which have the smallest tidal radii,
lose mass at faster rates. In fact, among our low-N models,
the three with RG = 2 kpc (n2w5rg2, n2w5rg2, n2w7rg2)
nearly completely evaporate within about 6 Gyr (dotted lines in
the upper left panel of Figure 5), and the model with Rv = 1 pc
(n2-B) has lost more than 80% of its mass by the end of the
simulation. The mass loss rate does not change significantly
over the range RG = 8–20 kpc. The final structural properties
for all of our models are shown in Table 2. Note that these are
all theoretical properties (e.g., the density and core radius are
computing using all objects, not just luminous stars that can
actually be observed). Observable properties of our clusters are
discussed later.

4.2. Retained Black Hole Populations

Next we look at the properties and evolution of the retained
BHs in more detail and discuss differences among our models.
The initial BH mass spectrum is shown in Figure 7, and aside
from the normalization, the only factor that significantly affects
the mass function is the metallicity Z. Since massive and
metal-rich stars lose more mass via stellar winds, they form
less massive BHs than do lower metallicity stars (see lower
right panel). Our models retain between 65%–90% of the BHs
initially, depending primarily on RG (and Z) and Rv. The reason
for the RG and Z dependence of the initial retention fraction is
twofold: First, a BH with a given position and kick speed will
escape more easily from the cluster with the smaller tidal radius.

Additionally, since models with smaller RG also have larger Z,
the BHs produced have lower masses and will therefore tend to
receive stronger kicks, making these objects even more likely
to be ejected upon formation. More compact clusters (small Rv)
can retain initially formed BHs more easily.

In Figure 6 we show the distribution of single and binary
BHs as a function of time for our six representative models.
Here we see that almost all of the retained BHs remain as single
stars throughout the cluster evolution, in agreement with our
earlier results (Morscher et al. 2013). There are usually no more
than a few tens of BH binaries of any type inside the clusters
at any given time, and are usually made up of comparable
numbers of BH–BH and BH–non-BH binaries. A larger supply
of primordial binaries does provide more opportunities for BHs
to exchange into binaries through dynamical interactions and so
we see a slightly larger number of BH binaries in models with
larger fb. This effect can be seen in the center panels in Figure 6,
where we compare model n8-E (fb = 50%, right) to model
n8w5rg8 (fb = 10%, left). Since most of the primordial binary
population consists of two low-mass stars initially (which will
never become BHs), the number of BH–non-BH binaries is most
affected by the primordial binary fraction. The other parameters
seem to have only a minor effect on the number of BH binaries
in clusters.

The final retained BH mass distributions are shown in Figure 7
along with the initially retained population, for comparison.
Since the most massive BHs segregate the deepest they also
interact the most frequently, and therefore tend to be the
first to be ejected. Over time, the maximum BH mass in the
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Table 1 (continued)

String Meaning for initial property variations

Is Steep power-law exponent is used (↵1 = 3) for the
IMF for stars more massive than 1M�.

If Flat power-law exponent is used (↵1 = 1.6) for the
IMF for stars more massive than M�.

W Weak winds (Vink et al. 2001) are assumed.

Note—We give informative names to our models. The names are
combinations of several strings where each string refers to partic-
ular initial assumptions. To aid the readers understand the initial
assumptions for particular models directly from the model’s name
we list specific strings in the names of our models and their cor-
responding meaning for the initial assumptions.

3. DERIVATION OF OBSERVED CLUSTER
PROPERTIES

The definitions for key structural properties in numer-
ical models are often di↵erent from those defined by ob-
servers for real clusters (e.g., Chatterjee et al. 2013b).
To be consistent, we “observe” our simulated models to
extract structural properties with definitions similar to
those used for real observations. We use the last snap-
shot from all our model clusters to extract the observ-
able structural properties. All relevant final structural
properties, measured both using theoretical definitions,
and observers’ definitions are listed in Table 3.

3.1. Estimation of “Observed” Structural Properties

We create two-dimensional projections for each model
assuming spherical symmetry. The half-light radius,
rhl,obs, is then estimated by finding the projected ra-
dius containing half of the total light. We obtain the
observed core radius, rc,obs, and the observed central
density, ⌃c,obs, by fitting an analytic King model to the
cumulative stellar luminosity at a given projected ra-
dius including stars within a projected distance of rhl,obs

from the center (King 1962, their Eq. 18). This method
was suggested earlier by Morscher et al. (2015). Since,
this approach avoids binning of data, this is more ro-
bust against statistical fluctuations, especially at low
projected distances compared to the often-used method
of fitting the King profile directly to the surface bright-
ness profile (SBP).

We estimate the observed central velocity dispersion
v�,c,obs by taking the standard deviation of the magni-
tudes of the three-dimensional velocities of all luminous
stars (excluding compact objects) within a projected dis-
tance of rc,obs. In case of binaries, we take into account
the center of mass velocities.

3.2. Estimation of Dissolution Times

Depending on initial assumptions, some of our clus-
ter models get tidally disrupted before the integra-
tion stopping time of 12Gyr. The basic assumptions
of our Monte Carlo approach are spherical symmetry,

Figure 1. Evolution of the core radius (rc) and the half-
mass radius (rh) for model S. The solid (black) and dashed
(blue) lines denote rc and rh, respectively. The spikes in rc
due to BH-driven core collapse continue until the end of the
simulation at 12Gyr. Both rc and rh expand all the way to
the end.

Figure 2. Comparison between the SBPs at two di↵er-
ent times, one corresponding to a core-collapsed state, seen
as the downward spikes in Fig. 1 (at t = 9.27Gyr; black),
and the other corresponding to a non-collapsed state (at
t = 9.29Gyr; red) for model S. The theoretically defined
core radius changes from rc ⇡ 0.4 during the collapsed state
to about 3 pc out of that collapse. However, the observable
SBP barely changes.

and a su�ciently large N to ensure that the relax-
ation timescale is significantly longer than the dynam-
ical timescale. Both assumptions break down for clus-
ters that have begun to tidally disrupt, since the tidal
boundary is not spherically symmetric, and a disrupt-
ing cluster can lose mass on a timescale << than the
relaxation time. To that end, once tr(t) > M(t)/Ṁ for
a cluster, where tr, and M denote relaxation time and
total cluster mass respectively, we consider the cluster
to have dissolved. For clusters that dissolve before 12
Gyr, we list the approximate dissolution times and mark
them as “Dissolved” in Table 3.

4. OVERALL CLUSTER EVOLUTION

Fig. 1 shows the evolution of the core radius (rc) and
the half-mass radius (rh) for our standard model S. As
expected, rc shows repeated downward spikes indicat-

Repeated BH-dr i ven 
collapse

Overall cluster expansion

r c
, r

h 
 (p

c)

L i t t l e o b s e r v a b l e 
di f ference in surface 
brightness profile in and 
out of collapse

Chatterjee+ 2017

Challenges in Measuring BH Retention
little difference in SBP



which of these 58 systems could be driven to RLO due to LK
oscillations during this triple phase, we use the Octupole-Level
Secular Perturbation Equations (OSPE) package (Naoz et al.
2011, 2013) to integrate each triple over tdyn. If at any point
during this integration, the eccentricity of the inner binary, einis
driven to a value satisfying

. -( ) ( )R e R1 , 4Lcomp in

the system will likely undergo mass transfer. Here, Rcomp is the
stellar radius of the BH’s companion star in the inner binary,
and RL is the Roche lobe of the companion, given by
Equation (1).

OSPE takes as input the masses of the three bodies; the
semimajor axis and eccentricity of the inner and outer binaries;
the mutual inclination, i, of the inner and outer binaries; and the
arguments of pericenter, g1 and g2, for the two non-central
(less-massive) bodies. Because we lack the values for the latter
three parameters, we sample the icos uniformly from -[ ]1, 1
and sample g1 and g2 uniformly from p[ ]0, 2 .

We model 10 independent integrations for each of our 58
triples to statistically determine which of these systems are
likely to be driven to mass transfer. Of the 580 total triples
integrated, 79 systems (~14%) are driven to RLO. The final
column of Table 3, MTfrac, gives the fraction of integrations
which resulted in RLO for each triple.

Twenty-six of the 58 total triples are driven to RLO in at
least one OSPE integration. Of these 26 systems, 23 have main
sequence donors, one has a giant donor, and two have WD
donors. These values are consistent with the relative values of
each donor type for the 17 MTBHBs produced through the
binary-mediated/dynamics channel (Table 2).

If a system is driven to mass transfer by LK oscillations, it is
unclear how long the system will remain in a mass-transferring
state. In particular, if a system begins mass transfer through a
triple-mediated event at a time earlier than ∼8 Gyr, it is not
certain that this system will still be mass-transferring at the
present age of the cluster. Of the 79 systems that are driven to
RLO during the OSPE integrations, 43 systems (or~7% of the
580 total) are driven to mass transfer after t=8 Gyr.

Applying the 7% and 14% cuts to the 58 triple systems
identified, we conclude that in our 50 GC models, 4–8
MTBHBs may exist which were formed through the LK-
oscillation/triple-mediated channel. We note that these num-
bers are small relative to the number of systems formed through
the binary-mediated/dynamics channel (17 systems).

Note that our treatment of triples does not consider the effect
of tidal interactions on the inner BH–non-BH binary. It is
possible that an eccentricity boost from LK oscillations may
initiate tidal decay within the inner BH–non-BH binary of the
triple, and ultimately drive that system to RLO before the
(eccentric) RLO condition (Equation (4)) is reached. This effect
could potentially slightly raise the upper limit of the population
of the triple-mediated MTBHBs.

4. Numbers of MTBHBs versus Retained BHs

We now investigate what finding a MTBHB in a cluster
indicates about the overall retained BH population in that
cluster. To explore the relation of the MTBHBs identified in
our models with the total number of BHs retained (NBH

tot ), we
group together those MTBHBs formed through both the
standard binary-mediated/dynamics channel (binaries in

Table 2) and the LK oscillations/triple-mediated channel
(binaries in Table 3).
Because the OSPE triple integrations are performed outside

of the CMC simulations, we cannot determine how long a
system which is driven to RLO through LK oscillations will
continue to mass transfer. Instead, we consider three possibi-
lities for the contribution of triples to the total number of
MTBHBs in our models. For Case1, we assume that any triple
which is driven to mass transfer in at least one of the 10 OSPE
integrations, independent of when RLO begins, is a MTBHB
and will remain a MTBHB from the time the triple is formed
until the present day (assuming the BH is not ejected from its
host cluster). Case2 is identical to the first case, with the
additional stipulation that the triple must have formed after
t=8 Gyr. For Case3, we neglect the contribution from the
triple-mediated channel entirely.
Figure 8 shows the relation between the number of

MTBHBs, NMTBHB, and the total number of BHs, NBH
tot , within

each of our models for the three cases described above. Here,
we simply count the total number of BHs retained within each
model in each snapshot in time. All our snapshots are roughly
equidistant in time, so we treat each snapshot at .t 8 Gyr as a
single observed cluster where MTBHBs may have been found.
As Figure 8 shows, the number of MTBHBs is uncorrelated

with the total number of BHs the cluster contains, regardless of
the details of the contribution from triple-mediated formation
channels. The Spearman correlation coefficient between the
NMTBHB and NBH

tot is 0.13, 0.05, and 0.03 for Cases 1, 2, and 3,
respectively. This result is in agreement with the result shown
in Chatterjee et al. (2017b), which used the total number of
BH–non-BH (BH–nBH) binaries as a proxy to the upper limit

Figure 8. Number of MTBHBs in each model vs. total number of BHs retained
in each model for all snapshots in time with .t 8 Gyr. Case1 includes the
contribution from any triple driven to mass transfer in at least one of the 10
OSPE integrations. Case2 is identical to the first case, with the additional
stipulation that the triple must have formed after t=8 Gyr. Case3 neglects the
contribution from the triple-mediated channel entirely.
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BH

Mixing Zone

NBH 𝞺MZ

on the total number of MTBHBs and demonstrated a similar
lack of correlation.

The lack of correlation between NMTBHB and NBH
tot shown in

Figure 8 can be understood by a close inspection of the rate of
dynamical formation of BH–nBH binaries.

Because of mass segregation, the stars and binaries in the
cluster are segregated at cluster-centric distances based on their
mass. MTBHBs can dynamically form only in a region of the
cluster where BHs mix with potential mass-transferring
companion stars, such as main sequence (MS) stars, giants,
and WDs. We define this mixing zone as a radial shell whose
inner radius is determined by the radial position of the
innermost MS star, giant, or WD and whose outer radius is
determined by the radial position of the cluster’s outermost BH
that lies within the observed core radius of the cluster. Note that
as a result of recoil from scattering encounters, some BHs can
remain outside the core radius before it sinks to the core again
due to mass segregation. We ignore them because, the binary-
mediated interaction cross section involving BHs and non-BHs
is expected to be dominated by only the BHs within the core
where the stellar density is relatively high. Additionally, inside
the core the density is roughly constant and, as a result, the
calculation of interaction rates becomes simpler.

Single BHs can interact with non-BH–non-BH (nBH–nBH)
binaries to form new BH–nBH binaries via exchange. On the
other hand, single BHs can also interact with BH–nBH binaries
to destroy the BH–nBH binary and instead create a BH–BH
binary via exchange. The formation rate, Γ, of potential
MTBHBs within this mixing zone can be expressed as

sG = S- ( )n N B , 5vform nBH nBH BH ex

where -nnBH nBH is the number density of binaries in which
both components are non-BHs in the mixing zone; Σ is the
cross section for interaction between nBH–nBH binaries and
other BHs in the mixing zone; sv is the relative velocity
dispersion of nBH–nBH binaries and BHs; and NBH is the total
number of BHs in the mixing zone. Bex is the branching ratio
for exchange outcomes as a result of scattering encounters
between BHs and nBH–nBH binaries.

Of course, the larger the semimajor axis, a, of the nBH–nBH
binaries, the higher the interaction rate. As a result, binaries
near the hard-soft boundary given by

s
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where, -ah s is the hard-soft boundary, are the ones that interact
most often. Here, á ñmnBH is the average mass of the components
of nBH–nBH binaries in the mixing zone, and á ñm is the
average mass of all stars in the mixing zone. Assuming that the
overall interaction rate is dominated by the binaries with a
semimajor axis ~ -a ah s and that S ~ -ah s

2 allows us to re-
write Equation (5) as
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where we have assumed Bex to be independent of NBH
tot , a

reasonable assumption. Similarly, the rate of destruction of

BH–nBH binaries can be expressed as
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where -nBH nBH is the number density of BH–nBH binaries in
the mixing zone. Combining Equations (7) and (8), we obtain
the net rate of formation
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On the basis of the lack correlation between NMTBHB and NBH
tot

shown in Figure 8, one would expect that the net formation rate
of MTBHBs (Gtotal) within a cluster is independent of the total
number of BHs the cluster contains.
Figure 9 shows Gtotal plotted against NBH

tot for all snapshots in
time with .t 8 Gyr for all GC models. For our purposes, we
are only interested in the functional form, so we ignore the
constants (such as G, π, Bex , etc.). All masses are in :M ,
number densities are in -pc 3, and velocities are in -km s 1. The
spread in values for low NBH

tot is a consequence of the stochastic
nature of the process magnified by the low numbers of BHs in
the mixing zone, as well as varying initial cluster parameters
(e.g., concentration, N, rv) between our different models. The
width of the spread can be viewed as the error on the Gtotal
calculation. Clearly, the net rate of formation of potential
MTBHBs does not depend on the total number of retained BHs
for NBH

tot spanning four orders of magnitude.
Physically, this result can be explained as follows. When

large numbers of BHs are present in a GC, the core of the
cluster is dominated by the BHs due to mass segregation.
Therefore, while NBH

tot is large, the central high-density regions
are dominated primarily by single BHs, and the lower-mass
stars (potential donors) are driven out of the central regions.
Also, while a large number of BHs are still retained in the
cluster, the energy production due to BH dynamics keeps the
stellar density in the mixing zone, typically further away
from the center, low. Thus, the internal dynamics of such a

Figure 9. Total formation rate of BH–nBH binaries in the mixing zone, Gtotal
(Equation (9)), plotted vs. total number of BHs, NBH

tot . Each black circle
represents a different snapshot in time for each our GC models.
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winds. Cluster model If loses slightly more mass compared to
the other model clusters with steeper α1. Dramatic differences
appear during the stage when the clusters lose mass via
compact object formation. As expected, the steeper the high-
end of the IMF, the lower the mass loss from compact object
formation. This episode of quick mass loss ends by the time all
the BHs are formed and many of the BHs are ejected due to
their birth kicks. Following this episode, mass loss slows down
and is driven by dynamical ejections of BHs from the core and
mass loss through the tidal boundary. At this stage, the number
of retained BHs in a cluster becomes very important. A larger
value of NBH leads to more dynamical ejections, which in turn
leads to faster cluster expansion and higher tidal mass loss rate.
Eventually, if the cluster expands too much, it gets disrupted.

The details of this process depend both on the kick
distribution for the BHs as well as the wind-driven mass loss
(Figure 8). During the initial stages, clusters modeled with

weak winds lose less mass than those modeled with strong
winds. However, lower wind-driven mass loss leads to the
formation of more massive BHs. These higher-mass BHs
segregate more rapidly in the cluster potential. In addition,
higher-mass BHs inject more energy into the cluster via
dynamics and ejections than their lower-mass counterparts. As
a result, once the cluster is sufficiently old for BH dynamics to
dominate energy production, the clusters modeled with weak
winds expand faster and get disrupted earlier than those
modeled with strong winds. The higher the number of retained
BHs, the bigger the difference between the clusters modeled
with strong and weak winds (Figure 8). This trend is reversed
in the models IfK1 and WIfK1, both modeled with the
highest natal kicks for the BHs we consider (Table 2). Since in
these models almost all BHs are ejected during formation, the
above-mentioned difference due to BH dynamics is not
relevant. Instead, since in the high-kick case the weak wind
model loses less mass than the strong wind model, IfK1 is
disrupted earlier than WIfK1. To further illustrate this point,
Figure 9 shows the effects of α1 on models with sBH=sNS.
Since most BHs are ejected during formation from all of these
models (K1, WK1, IfK1, WIfK1) the evolution really depends
only on the mass loss from compact object ejections during
formation, i.e., the number of high-mass stars formed in the
cluster.

4.3. Effects of Other Assumptions

The process and timescale for energy production from BH
dynamics depend critically on the mass segregation timescale
(tS) in a cluster (e.g., Breen & Heggie 2013; Morscher
et al. 2013, 2015). The mass segregation timescale of a massive
object depends on the relaxation timescale (tr), and the ratio of
its mass to the average stellar mass (〈m〉) in its neighborhood,
µ á ñt tS r

m

mi
(e.g., Gürkan et al. 2004). Thus, NBH and as a result,

the overall cluster evolution, depend on assumptions such as:
initial virial radius (rv), and the IMF, which can affect either tr
or á ñm

mi
. Figure 10 shows the difference in the evolution of two

clusters (W and Wrv1fb0.1) with different initial rv and the

Figure 4. Final number of BHs bound to the cluster, NBH vs. rc,obs (left) and rc,obs/rhl,obs (right) for all models that survived for at least 11 Gyr. Filled black circles
represent models with rG=8 kpc, rv=2 pc and strong winds. Blue, green, red, and magenta empty circles denote models with the same assumptions for rv and
stellar wind, but with rG=1, 2, 4, and 20 kpc, respectively. Black triangles denote models with rG=8 kpc, rv=2 pc, and weak winds. Black and blue squares both
denote models with rG=8 kpc, rv=1 pc, and a wider IMF, but with weak and strong winds, respectively. In general, the larger the NBH, the higher the rc,obs and
rc,obs/rhl,obs. Effects of all other initial assumptions are minor (Table 2). One model is a clear outlier with a very large rc,obs and moderate NBH: this is model WIfK1
(Table 3), which is on the verge of dissolution.

Figure 5. NBH vs. Sc,obs for all models that survive for at least 11 Gyr . Point
styles are the same as in Figure 4. The final Sc,obs is strongly dependent on
NBH. Effects of rv, rG, fb,high and winds are minor, only affectingSc,obs through
NBH that are bound in the clusters at 12 Gyr. Model WIfK1 is on the verge of
dissolution and exhibits very low density and moderate NBH.
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winds. Cluster model If loses slightly more mass compared to
the other model clusters with steeper α1. Dramatic differences
appear during the stage when the clusters lose mass via
compact object formation. As expected, the steeper the high-
end of the IMF, the lower the mass loss from compact object
formation. This episode of quick mass loss ends by the time all
the BHs are formed and many of the BHs are ejected due to
their birth kicks. Following this episode, mass loss slows down
and is driven by dynamical ejections of BHs from the core and
mass loss through the tidal boundary. At this stage, the number
of retained BHs in a cluster becomes very important. A larger
value of NBH leads to more dynamical ejections, which in turn
leads to faster cluster expansion and higher tidal mass loss rate.
Eventually, if the cluster expands too much, it gets disrupted.

The details of this process depend both on the kick
distribution for the BHs as well as the wind-driven mass loss
(Figure 8). During the initial stages, clusters modeled with

weak winds lose less mass than those modeled with strong
winds. However, lower wind-driven mass loss leads to the
formation of more massive BHs. These higher-mass BHs
segregate more rapidly in the cluster potential. In addition,
higher-mass BHs inject more energy into the cluster via
dynamics and ejections than their lower-mass counterparts. As
a result, once the cluster is sufficiently old for BH dynamics to
dominate energy production, the clusters modeled with weak
winds expand faster and get disrupted earlier than those
modeled with strong winds. The higher the number of retained
BHs, the bigger the difference between the clusters modeled
with strong and weak winds (Figure 8). This trend is reversed
in the models IfK1 and WIfK1, both modeled with the
highest natal kicks for the BHs we consider (Table 2). Since in
these models almost all BHs are ejected during formation, the
above-mentioned difference due to BH dynamics is not
relevant. Instead, since in the high-kick case the weak wind
model loses less mass than the strong wind model, IfK1 is
disrupted earlier than WIfK1. To further illustrate this point,
Figure 9 shows the effects of α1 on models with sBH=sNS.
Since most BHs are ejected during formation from all of these
models (K1, WK1, IfK1, WIfK1) the evolution really depends
only on the mass loss from compact object ejections during
formation, i.e., the number of high-mass stars formed in the
cluster.

4.3. Effects of Other Assumptions

The process and timescale for energy production from BH
dynamics depend critically on the mass segregation timescale
(tS) in a cluster (e.g., Breen & Heggie 2013; Morscher
et al. 2013, 2015). The mass segregation timescale of a massive
object depends on the relaxation timescale (tr), and the ratio of
its mass to the average stellar mass (〈m〉) in its neighborhood,
µ á ñt tS r

m

mi
(e.g., Gürkan et al. 2004). Thus, NBH and as a result,

the overall cluster evolution, depend on assumptions such as:
initial virial radius (rv), and the IMF, which can affect either tr
or á ñm

mi
. Figure 10 shows the difference in the evolution of two

clusters (W and Wrv1fb0.1) with different initial rv and the

Figure 4. Final number of BHs bound to the cluster, NBH vs. rc,obs (left) and rc,obs/rhl,obs (right) for all models that survived for at least 11 Gyr. Filled black circles
represent models with rG=8 kpc, rv=2 pc and strong winds. Blue, green, red, and magenta empty circles denote models with the same assumptions for rv and
stellar wind, but with rG=1, 2, 4, and 20 kpc, respectively. Black triangles denote models with rG=8 kpc, rv=2 pc, and weak winds. Black and blue squares both
denote models with rG=8 kpc, rv=1 pc, and a wider IMF, but with weak and strong winds, respectively. In general, the larger the NBH, the higher the rc,obs and
rc,obs/rhl,obs. Effects of all other initial assumptions are minor (Table 2). One model is a clear outlier with a very large rc,obs and moderate NBH: this is model WIfK1
(Table 3), which is on the verge of dissolution.

Figure 5. NBH vs. Sc,obs for all models that survive for at least 11 Gyr . Point
styles are the same as in Figure 4. The final Sc,obs is strongly dependent on
NBH. Effects of rv, rG, fb,high and winds are minor, only affectingSc,obs through
NBH that are bound in the clusters at 12 Gyr. Model WIfK1 is on the verge of
dissolution and exhibits very low density and moderate NBH.
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axis. For example, a typical 30 M⊙ þ 30 M⊙ BBH is
ejected from a GC with a ∼ 0.4 AU (roughly 10 times
greater than the a < 10R⊙ cutoff in BSE) after undergoing
Oð10Þ dynamical encounters [24]. During a typical
encounter, the BBH semimajor axis will characteristically
shrink while the orbital eccentricity randomly drawn from
the thermal distribution, pðeÞde ¼ 2ede [87]. These “hard-
ening” encounters continue, shrinking the binary’s semi-
major axis until either the BBH is ejected from the cluster
by the third body or until GWs drive the binary to merger.
The timescale for each BBH to merge can be roughly
approximated by [58]

tGW ∼ e
jde=dtj

∼ 400 Gyr
!

a
0.4 AU

"
4
!

mBH

30 M⊙

"−3
ð1 − e2Þ7=2: ð1Þ

As Eq. (1) makes clear, a large eccentricity can significantly
decrease the merger timescale. For e≳ 0.95(roughly %10
postencounter binaries) tGW will decrease by more than
103, leading the BBH to promptly merge in the cluster. On
the other hand, for BBHs that never reach a high eccen-
tricity, these encounters will continue to harden the binary
until it is ejected from the cluster (where its eccentricity
at ejection is set by a single draw from the thermal
distribution). Because the ð1 − e2Þ7=2 dependence in
Eq. (1) preferentially selects in-cluster mergers from a

super-thermal distribution, we expect these mergers to have
larger eccentricities than their ejected counterparts by the
time they reach the LIGO/Virgo band.
In Fig. 1, we show the eccentricity distribution of

merging binaries as they enter the LIGO/Virgo band (which
we define as a circular GW frequency of 10 Hz). We see the
expected separation in eccentricity between BBHs which
merge in the cluster and those that merge after being ejected
from the cluster. For the in-cluster mergers, we also find a
clear bimodality, with the lower peak corresponding to
isolated binaries that merge after a dynamical encounter
and the higher peak (e > 0.1) corresponding to sources
which merge during the encounter via GW capture.
Although previous work [25,27,88] has shown through
scattering experiments that such mergers are to be expected
at the 1% level, this is the first work to show that these
mergers occur in realistic GC environments. From our
combined 24 models, we find that about 10% of the in-
cluster mergers (∼3% of all mergers) at z < 1 occur during
these GW captures, in good agreement with analytic
work [89].
Mergers over cosmic time.—In Fig. 2, we show the

mergers of BBHs as a function of cosmological redshift.
What is immediately striking is that the mass distributions
for in-cluster and ejected binaries are significantly different
at low redshifts. This arises from the delay times between
formation and mergers for ejected BBHs. When a BBH is
ejected from the cluster, it may still take several Gyr to
merge in the field; see e.g., Ref. [90] and references therein.
Even for the most massive clusters, the median inspiral time
for ejected binaries is ∼10 Gyr, see Fig. 1 in Ref. [21]. In
effect, the ejected BBHs which merge today drew their
components from the initial distribution of BH masses in
the cluster, where the masses varied from 5M⊙ to 40 M⊙.
On the other hand, the in-cluster mergers have effectively
no delay time, and their components are drawn from the
present-day distribution of BH masses in the cluster.
Because old GCs have ejected their most-massive BHs
many Gyr ago [91], the BBHs merging in the cluster today
are typically lower-mass than those that were ejected many
Gyr ago.
Another interesting feature of Fig. 2 is the presence of

BBH mergers in the upper-mass gap, beyond the mass limit
imposed by pair-instability supernovae. The increased
number of in-cluster mergers allows the GCs to produce
significant numbers of 2G BBH mergers, some of which
will have components above the maximum mass for BHs
born from a single stellar collapse. As these systems can
only be produced through multiple mergers, they will
immediately be identifiable as having arisen from a
dynamical environment. The rate of such mergers is small,
but LIGO/Virgo is more sensitive to mergers with more
massive components (the detection horizon scales with the
mass of the more massive component as m2.2 [86]). At the
expected sensitivity for Advanced LIGO’s third observing

FIG. 1. The eccentricities of BBHs from the 24 GC models that
merge at low redshifts. We calculate the eccentricity when the
BBH enters the LIGO/Virgo detection band at a (circular) GW
frequency of 10 Hz. The distribution is clearly trimodal: the first
peak corresponds to BBHs which merger after ejection from the
cluster (similar to Ref. [21], Fig. 10). The second peak corre-
sponds to BBH mergers which occur in the cluster. The final
peak, at e > 0.1, corresponds to in-cluster mergers which occur
during a strong encounter, when the BBH enters the LIGO/Virgo
band during a GW capture. Note that the two distributions are
normalized to the total number of mergers (in-cluster and
ejected).
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can lead to the formation of stable BH triples and to LK
induced mergers.

4.1. BH Merger Detection Rate

One of the advantages of using realistic CMC models is that
it allows us to make direct predictions about the mass and
merger time distribution of the coalescing BH binaries, which
is fundamental to make reliable estimates for the event and
detection rates. As we have complete information about the
distribution of sources in time and chirp mass, we can compare
our ensemble of GC models to observations of MW and
extragalactic GCs and estimate the merger rate for a single
aLIGO detector.

To compute the rate of detectable sources per year from
triple systems, we follow a similar procedure to Rodriguez
et al. (2015). The rate is expressed as the following double
integral over source chirp mass and redshift:

R z f z
dV
dz

dt
dt

d dz, , , 15d d
s

c c
c

0
c∬ ( ) ( ) ( )* % % %=

where

1. z,c( )* % is the rate of BH binary mergers with chirp
mass c% at redshift z due to the LK mechanism.

2. f z,d c( )% is the fraction of sources with chirp mass c%
at redshift z that are detectable by a single aLIGO
detector.

3. dVc/dz is the comoving volume at a given redshift
(Hogg 1999). We assume cosmological parameters of

Figure 4. Eccentricity distribution of merging BH binaries at the moment they first enter the 10 Hz (left panel) and 40 Hz (right panel) frequency bands. While the
octupole level secular equation of motions predict that only a few percent of systems will have finite eccentricity as they enter the aLIGO band, accurate N-body
integrations show that ∼20% (∼10%) of BH mergers in GC will have an eccentricity larger than 0.1 at 10 Hz (40 Hz) frequency. About 10% (∼5%) of all mergers
will have extremely high eccentricities, i.e., e1 10 ,41- - at 10 Hz (40 Hz) frequency. Note that the stippled regions are in front in both panels, which means that the
lack of stippled regions at high eccentricities is because there are none, rather than because they are hidden behind the solid hystograms.

Figure 5. Merger time distribution of BH binaries due to the LK mechanism in
GCs. Continious lines give the merger time distribution of all BH binary
mergers, and the dashed line is for BH binaries that have e>0.9 when
fGW�10 Hz. The inset panel gives the corresponding cumulative
distributions.

Figure 6. Continuous black lines show the chirp mass distribution of BH
binary mergers due to the LK mechanism in GCs. Dot–dashed blue lines give
the distribution of total mass for the merging binaries. The inset panel gives the
corresponding cumulative distributions.
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What are star clusters? 
Star clusters in galaxies

Property Open Clusters Globular Clusters

Mass (M⊙) up to ~ 103 typical ~ 105

ρc (M⊙pc-3) up to ~ 102 typical ~ 104

Typical age up to ~ 7 Gyr 9 - 12 Gyr

Binary fraction (fb) ~ 50% few - 20%

Metallicity higher low



Results Insensitive to Model Assumptions
A key difference between dynamical and non-dynamical 

formation channels

Initial fb, high-mass = 1
Initial fb, high-mass = 012 Chatterjee et al.

Figure 12. Evolution of the number of binary BHs bound
to the cluster for di↵erent assumed natal kick distributions
for BHs. Top and bottom panels show BH-BH and BH-
nBH binary numbers. Both NBH�BH and NBH�nBH show
large scatters over time. This is a direct consequence of the
continuous disruption and ejection of existing binaries and
dynamical formation of new ones at any given time in clus-
ters. To reduce scatter we have under-sampled and show
the mean (lines) and ± one standard deviation (shaded re-
gion). Black, red, blue, and green denote models S, K1, K2,
and K3, respectively (Table 2). Both NBH�BH and NBH�nBH

remain low independent of the assumed distribution of natal
kicks for BHs. This indicates that the softening of orbits
for massive binaries due to mass loss via winds and compact
object formation is responsible for dynamical disruption of
most primordial binary orbits, and that this process does not
depend on the natal kick distribution. Even with very low
adopted natal kicks for BHs, �BH = 2.65 km s�1, K3 contains
low numbers of binary BHs.

be detectable via electromagnetic signatures, the lack of
correlation between NBH and NBH�nBH poses a serious
challenge in inferring the number of total BHs in the
GC from the discovery of BH candidates in that GC.
Note, however, that creation of accreting BHs in

star clusters is likely a complex process which re-

quires that the binary is not disrupted for a suf-

ficient time to allow accretion. Even when this

is satisfied, the duty cycle may be low for such

accreting binaries (Kalogera et al. 2004). We en-

courage a more detailed study on this topic.

We now focus our attention on understanding the de-
tailed evolution of BBHs inside a cluster and the e↵ects
of various initial assumptions through selected example
models (Figs 12–15). Since we have shown that the as-
sumed BH natal-kick distribution can bring dramatic
changes to the overall cluster evolution, we first investi-
gate the e↵ects of BH formation kicks on the evolution
of BBHs that are retained in the cluster (Fig. 12). The
number of BBHs in the cluster is quite insensitive to
the details of the kick distribution except for the case
with �BH = �NS (e.g., model K1). In the high-kick
cases, the large formation kicks essentially eject most
of the BHs from the cluster during formation. The
natal kicks are also large enough to disrupt all bina-
ries during BH formation. Hence, not surprisingly, in
the high-kick models, the values for NBH�BH as well
as NBH�nBH are always low. Interestingly though, the

Figure 13. Same as Fig. 12 but showing a comparison be-
tween the evolution for two identical initial models di↵ering
only by the initial binary fraction in high-mass (> 15M�)
stars, fb,high. Black and red denote models F0 with initial
fb,high = 0 and F1 with initial fb,high = 1, respectively (Ta-
ble 2). In both cases, the overall binary fraction fb is kept
fixed at 0.05. Independent of the initial fb,high, the final re-
tained NBH�BH converge to a low value. The final retained
NBH�nBH depends on the e�ciency with which interactions
involving BHs and binaries with non-BH components can
produce BH-nBH binaries via exchange. The cluster with
fb,high = 1 has fewer low-mass binaries than the cluster with
fb,high = 0. As a result, BH-nBH binary formation is less
e↵ective in F1 compared to that in F0 at late times.

number of BBHs is low even in our lowest kick mod-
els. For example, S, which assumes a fallback-dependent
momentum-conserving kick prescription and K3, which
assumes that �BH = 2.65 km s�1, typically much lower
compared to orbital speeds of the massive binaries, both
show low numbers of BBHs. As discussed earlier, the
combined mass loss from stellar winds and compact ob-
ject formation for high-mass stars expands the binary
orbits and make them dynamically soft. Thus the ma-
jority of the high-mass binaries are disrupted indepen-
dent of the magnitude of the SN kicks. To further in-
vestigate this we compare two of our models that are
identical in all aspects except the fraction of high-mass
stars that are initially in binaries. To illustrate the lim-
iting cases, Fig. 13 shows the evolution of retained BBHs
for models F0 with initial fb,high = 0 and F1 with ini-
tial fb,high = 1 (§2.2; Table 2). Although initially the
values of NBH�BH are vastly di↵erent between the mod-
els, within about 3 Gyr, they converge to essentially the
same steady value in both models. This further high-

lights that the number and properties of BH-BH

binaries that would be retained in a cluster at

late times are set by the internal dynamics and

overall cluster properties, and not on the details

of the initial binary orbital properties, or binary

fraction in high-mass stars. The number of BH-nBH
binaries, NBH�nBH, for the model with initial fb,high = 1
is slightly lower compared to that in the model with ini-
tial fb,high = 0 for t > 5 Gyr. This is due to the fact that
to keep the overall fb fixed at 0.05, the fb,high = 1 case
started with fewer low-mass stars in binaries compared
to the fb,high = 0 case. At late times, all BH–nBH bi-
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Figure 4. Final number of BHs bound to the cluster, NBH vs rc,obs (Left) and rc,obs/rhl,obs (Right) for all models that survived
for at least 11Gyr. Filled black circles represent models with rG = 8kpc, rv = 2pc and strong winds. Blue, green, red, and
magenta empty circles denote models with the same assumptions for rv and stellar wind, but with rG = 1, 2, 4, and 20 kpc,
respectively. Black triangles denote models with rG = 8kpc, rv = 2pc, and weak winds. Black and blue squares both denote
models with rG = 8kpc, rv = 1pc, and a wider IMF, but with weak and strong winds, respectively. In general, the larger the
NBH, the higher the rc,obs and rc,obs/rhl,obs. E↵ects of all other initial assumptions are minor (Table 7). One model is a clear
outlier with a very large rc,obs and moderate NBH: this is model WIfK1 (Table 7), which is on the verge of dissolution.

Figure 5. NBH vs ⌃c,obs for all models that survive for at
least 11Gyr . Point styles are the same as in Fig. 4. The
final ⌃c,obs is strongly dependent on NBH. E↵ects of rv, rG,
fb,high and winds are minor, only e↵ecting ⌃c,obs through
NBH that are bound in the clusters at 12Gyr. Model WIfK1
is on the verge of dissolution and exhibits very low density
and moderate NBH.

core-collapsed cluster (Fig. 6; see also Chatterjee et al.
2013b). In contrast, clusters modeled with other na-
tal kick distributions, where the BHs essentially receive
much lower kicks compared to the neutron stars formed
via core-collapse SN, do retain large numbers of BHs all
the way through 12 Gyr. Due to the energy produced
from BH dynamics, each of these clusters continues to
expand till the end. K2 with �BH = 0.1�NS contains
about 200 BHs at t = 12Gyr, a su�cient number to
keep the cluster in an expanded state. However, the
rate of expansion is lower compared to models S and
K3 where at 12 Gyr, NBH are much higher, with values
464 and 759, respectively. While near the end there are
indications that the model cluster K2 would start con-
tracting after it ejects some more BHs, models S and K3

are still expanding at t = 12Gyr, and appear as pu↵y,
low-density clusters from their final SBPs. The same
initial cluster can evolve to a final observational state
with rc,obs and ⌃c,obs varying by orders of magnitude,
simply because of changes in the assumed natal kick dis-
tribution for its BHs (Table 7).

The significant number of retained BHs can also ex-
pand the cluster closer to its tidal radius, making the
cluster more prone to disruption from Galactic tides.
For example, with otherwise the exact same properties,
at rG = 1kpc, clusters with relatively larger NBH ex-
pand more (e.g. SR1Zand K3R1Z), and dissolve much ear-
lier than 12Gyr. On the other hand, with the same ini-
tial conditions, model clusters with relatively lower NBH

are safe from tidal disruption even at rG = 1kpc (e.g.,
K1R1, K2R1; Table 7).

In general, the larger the value of NBH, the lower
the final total mass of the cluster. This is because

higher NBH expands the cluster more and a more

expanded cluster loses more mass due to galac-

tic tides. The exact amount of expansion, mass loss,
and the final cluster mass also depends on the metallic-
ity (Z) of the cluster, since the metallicity controls the
wind-driven mass loss and the resulting mass of the BH
population. Higher Z leads to the formation of lower-
mass BHs, and as a result the overall expansion due to
BH ejections is reduced. The adopted wind prescrip-
tion yields a similar e↵ect. While the strong wind

prescription leads to a higher mass loss at early

times compared to the weak wind prescription,

the latter leads to the formation of more massive

BHs in a cluster than the former. As a result,

the same initial cluster under the weak wind as-

sumption eventually undergoes more expansion

when the energy production in the center is dom-

inated by BH dynamics. This increased expansion
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Figure 4. Final number of BHs bound to the cluster, NBH vs rc,obs (Left) and rc,obs/rhl,obs (Right) for all models that survived
for at least 11Gyr. Filled black circles represent models with rG = 8kpc, rv = 2pc and strong winds. Blue, green, red, and
magenta empty circles denote models with the same assumptions for rv and stellar wind, but with rG = 1, 2, 4, and 20 kpc,
respectively. Black triangles denote models with rG = 8kpc, rv = 2pc, and weak winds. Black and blue squares both denote
models with rG = 8kpc, rv = 1pc, and a wider IMF, but with weak and strong winds, respectively. In general, the larger the
NBH, the higher the rc,obs and rc,obs/rhl,obs. E↵ects of all other initial assumptions are minor (Table 7). One model is a clear
outlier with a very large rc,obs and moderate NBH: this is model WIfK1 (Table 7), which is on the verge of dissolution.

Figure 5. NBH vs ⌃c,obs for all models that survive for at
least 11Gyr . Point styles are the same as in Fig. 4. The
final ⌃c,obs is strongly dependent on NBH. E↵ects of rv, rG,
fb,high and winds are minor, only e↵ecting ⌃c,obs through
NBH that are bound in the clusters at 12Gyr. Model WIfK1
is on the verge of dissolution and exhibits very low density
and moderate NBH.

core-collapsed cluster (Fig. 6; see also Chatterjee et al.
2013b). In contrast, clusters modeled with other na-
tal kick distributions, where the BHs essentially receive
much lower kicks compared to the neutron stars formed
via core-collapse SN, do retain large numbers of BHs all
the way through 12 Gyr. Due to the energy produced
from BH dynamics, each of these clusters continues to
expand till the end. K2 with �BH = 0.1�NS contains
about 200 BHs at t = 12Gyr, a su�cient number to
keep the cluster in an expanded state. However, the
rate of expansion is lower compared to models S and
K3 where at 12 Gyr, NBH are much higher, with values
464 and 759, respectively. While near the end there are
indications that the model cluster K2 would start con-
tracting after it ejects some more BHs, models S and K3

are still expanding at t = 12Gyr, and appear as pu↵y,
low-density clusters from their final SBPs. The same
initial cluster can evolve to a final observational state
with rc,obs and ⌃c,obs varying by orders of magnitude,
simply because of changes in the assumed natal kick dis-
tribution for its BHs (Table 7).

The significant number of retained BHs can also ex-
pand the cluster closer to its tidal radius, making the
cluster more prone to disruption from Galactic tides.
For example, with otherwise the exact same properties,
at rG = 1kpc, clusters with relatively larger NBH ex-
pand more (e.g. SR1Zand K3R1Z), and dissolve much ear-
lier than 12Gyr. On the other hand, with the same ini-
tial conditions, model clusters with relatively lower NBH

are safe from tidal disruption even at rG = 1kpc (e.g.,
K1R1, K2R1; Table 7).

In general, the larger the value of NBH, the lower
the final total mass of the cluster. This is because

higher NBH expands the cluster more and a more

expanded cluster loses more mass due to galac-

tic tides. The exact amount of expansion, mass loss,
and the final cluster mass also depends on the metallic-
ity (Z) of the cluster, since the metallicity controls the
wind-driven mass loss and the resulting mass of the BH
population. Higher Z leads to the formation of lower-
mass BHs, and as a result the overall expansion due to
BH ejections is reduced. The adopted wind prescrip-
tion yields a similar e↵ect. While the strong wind

prescription leads to a higher mass loss at early

times compared to the weak wind prescription,

the latter leads to the formation of more massive

BHs in a cluster than the former. As a result,

the same initial cluster under the weak wind as-

sumption eventually undergoes more expansion

when the energy production in the center is dom-

inated by BH dynamics. This increased expansion


