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EM signal in GW170817

1 Scientific justification

The era of gravitational-wave (GW) astronomy has begun with the announcement of the discovery
of five double black hole (BH-BH) mergers (Abbott et al. 2016a, 2017a,b,c) and one double neutron
star (NS-NS) merger (GW170817; Abbott et al. 2017d). Localized to the lenticular galaxy NGC
4993 at 40Mpc (Coulter et al. 2017), GW170817 was the first GW event with an electromagnetic
(EM) counterpart. It was accompanied by prompt �-rays, fast-fading UV/optical/NIR, and long-
lived X-ray, optical, and radio emission (Abbott et al. 2017e and references therein; left panel of
Figure 1). GW170817 yielded a scientific bonanza in fields as wide-ranging as gravitational physics,
nucleosynthesis, extreme states of nuclear matter, relativistic explosions and jets, and cosmology.
The EM signatures of GW170817 were remarkably di↵erent from what prior models predicted. The

�-rays were a factor of ⇠ 103 weaker than for ordinary short �-ray bursts (SGRBs), there was an early
blue kilonova presumably due to lanthanide-free polar ejecta (Fernandez & Metzger 2016, Kasen et
al. 2017), and late onset of radio/X-ray emission (Abbott et al. 2017e and references therein). A
subsequent fainter, longer-lived, red kilonova emission was powered by lanthanide-rich tidal ejecta or
an accretion disk wind. The merger likely produced a hyper-massive NS, rapidly followed by collapse
to a BH on a short timescale (⇠ 100ms; Kasen et al. 2017, Pooley et al. 2018). A relativistic jet was
launched, but became entrenched in the dynamical ejecta, driving a wide-angled, mildly relativistic
outflow, commonly referred to as a “cocoon” or “structured jet”. This cocoon was likely responsible
for the early-time �-rays, as well as late time X-ray (Ruan et al. 2018, Margutti et al. 2018, Troja et
al. 2018) and radio emission (e.g. Mooley et al. 2018, Margutti et al. 2018). It is unclear whether
the jet eventually burrowed through the ejecta to successfully produce a SGRB (e.g. Margutti et al.
2018). See Figure 1 for a depiction of the di↵erent ejecta components and EM signals.

Figure 1: Left panel: The optical/NIR “kilonova” and the X-ray, radio afterglows of GW170817.
The short-lived kilonova signal is powered by the radioactive decay of r-process nuclei, while the long-
lived X-ray and radio are synchrotron emission from fast-moving, wide-angle shocks. X-ray, Optical,
and radio emission is expected in 30–80% of NS-NS and NS-BH mergers. Right panel: The variety
of ejecta components, labeled in black font, and resulting EM signals, labeled in colored font, from
NS-NS and NS-BH mergers (adapted from Ioka & Nakamura 2017).

Despite the smashing success of the observing campaign surrounding GW170817, many fundamen-
tal questions about the NS merger process remain unanswered. What fraction of mergers produce
central engines and relativistic jets? How long do they operate, and how often are they able to
successfully penetrate the merger ejecta and radiate to on-axis observers as a classical SGRB? How
much energy is released in total? What is the maximum mass for a stable NS remnant? What will
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Figure 1. The 256 ms binned lightcurve of GRB 170817A in the 50–300 keV band for NaIs 1, 2, and 5. The red band is the

un-binned Poisson maximum likelihood estimate of the background.
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Figure 5: Model schematics considered in this paper. In each panel, the eye indicates the line
of sight to the observer. (A) A classical, on-axis, ultra-relativistic, weak short gamma-ray burst
(sGRB). (B) A classical, slightly off-axis, ultra-relativistic, strong sGRB. (C) A wide-angle,
mildly-relativistic, strong cocoon with a choked jet. (D) A wide-angle, mildly-relativistic, weak
cocoon with a successful off-axis jet.
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Figure 1. The 256 ms binned lightcurve of GRB 170817A in the 50–300 keV band for NaIs 1, 2, and 5. The red band is the

un-binned Poisson maximum likelihood estimate of the background.

• Lorentz factor > a few 
• EK ~1047 erg 
• wide-angle ~ 20o
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• Subrelativistic ~ 0.1c 
• M ~ 0.05Msun EK ~ 1051 erg 
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Figure 8. Bolometric light curve and temperature evolution of the macronova associated with GW170817. The total and electron heating
rates are also shown. The temperature is evaluated at the photosphere by assuming local thermodynamic equilibrium. Here we use a total
ejecta mass of 0.05M�, the beta-decay heating rate with the solar r-process abundance (85  A  209), and the ejecta profile with n = 4.5,
v0 = 0.1c and vmax = 0.4c (see equation 12). The opacity is assumed to be 0.5 cm2/g for v > 0.2c and 3 cm2/g for v  0.2c. The bolometric
data and temperature are taken from Waxman et al. (2018). The Spitzer 4.5µm detections �⌫-L⌫ are considered as lower limits on the
bolometric luminosity (Kasliwal et al. 2019) (see discussion in the text). The temperature is given only up to day 7, when the spectrum is
quasithermal. [In the temperature plot I think that we should show only T up to day 7. After that the spectrum is non-thermal and there
is no real meaning of T].

Figure 9. Same as Fig. 8 including ↵-decay heating and a total ejecta mass of 0.023M�. The initial abundance of
(Y (222Rn), Y (223Ra), Y (224Ra), Y (225Ra)) = (4.0 · 10�5, 2.7 · 10�5, 4.1 · 10�5, 2.7 · 10�5).
valid for all times t � tf :

Mrad

Z t

0
t0 · Q̇th(t

0)dt0 =

Z t

0
t0 · Lbol(t

0)dt0, 0 (33)

where tf is the time where the di↵usion wave crosses the entire ejecta and the bolometric luminosity approches the
instantenouos heating rate, i.e., Lbol(t � tf ) ⇡ Q̇th(t). Since the heating rate Q̇th depends on the ejecta composition,
Mrad is determined for a given ejecta composition (see Nakar et al. 2016 for an application to core-collapse supernovae).
We emphasize that this method is fully independent of the opacity, which is the most uncertain quantety, and it is
also almost independent of the ejecta geometry, and velocity profile3. The light curve of the macronovae of GW170817
decline rapidly ay t > 7 day and at the same time the spectrum becomes non-thermal suggesting that by that time
the di↵usion wave crossed the entire ejecta and therefore the available bolometric light curve data is su�cient to use
this methof to estimate Mrad.

Figure 10 (left) depicts the time-weighted integral of the heating rate and bolometric luminosity. Here, we use
the �-decay and ↵- and �-decay models shown in figure 8 and 9. The integral of the heating rate approaches that
of bolometric luminosity around 10 days for the �-decay model and 5 days for the ↵- and �-decay model. Figure

3 The only dependence on the ejecta structure is through the thermalization time, which a↵ects the heat deposition rate on the left-hand
side of equation (33).
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1) The light curve follows 
the radioactive heating rate. 
=> r-process production 

2) The peak time is < 0.5 day. 
=> low  opacity. 

3) The light curve approach  
the heating rate ~ 10 day 
=> high opacity.

KH & Nakar in prep.



Spectral Evolution

Black Body spectrum ~ 1 day. 

Some broad features later. 

More emission in the near infrared. 
=> suggests heavy elements.
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Figure 2. Planck mean opacities for all the elements. The opacities are calculated by assuming ρ = 1× 10−13 g cm−3, and
t = 1 day after the merger. Blue and red lines present the opacities for T = 5, 000 and 10,000 K, respectively.

bution of the energy levels becomes wider for higher Z

in a given shell. (2) At the same time, the number of
states is the largest for the half-closed shell since it gives
the highest complexity, i.e., the number of combinations
formed from different quantum numbers is the largest.
For the case of lanthanides (Z = 57 − 71), the total

number of levels is the largest for Eu or Gd which have
half closed 4f -shells, depending on the ionization states.
But the distribution of the energy levels is pushed up as
Z increases, and thus, the number of low-lying levels
is not necessarily higher than that of other lanthanide
elements. This is the reason why the opacities of these
complex elements are not always higher than those of
the other lanthanides (Section 3).

3. OPACITY

In a typical timescale of kilonova emission (t ∼> 1
day), bound-bound transitions play the dominant role
for the opacities in near ultraviolet, optical, and in-
frared wavelengths (Kasen et al. 2013; Barnes & Kasen
2013; Tanaka & Hotokezaka 2013). To evaluate the
bound-bound opacities in rapidly expanding medium,
such as supernova or neutron star merger ejecta, ex-
pansion opacities are commonly used (Karp et al. 1977;
Eastman & Pinto 1993; Kasen et al. 2006). In the ho-
mologous expansion, the expansion opacity is expressed
by

κexp(λ) =
1

ctρ

!

l

λl

∆λ
(1− e−τl), (1)

where summation is taken over all the transitions within
the wavelength bin ∆λ in radiative transfer simulations.
Here τl is the Sobolev optical depth for each bound-

bound transition;

τl =
πe2

mec
flntλl, (2)

where n is the number density in a lower level of the
transition and fl and λl are the oscillator strength and
transition wavelength, respectively. Whenever not ex-
plicitly mentioned, the expansion opacities shown in this
paper are evaluated at t = 1 day after the merger by as-
suming density of ρ = 1×10−13 g cm−3, which is typical
for the ejecta mass of Mej ∼ 10−2M⊙ and the ejecta ve-
locity of v ∼ 0.1c.
Our simulations assume local thermodynamic equilib-

rium (LTE), and ionization states are calculated by solv-
ing Saha equation. Population of excited states follow
the Boltzmann distribution. By the exponential depen-
dence of the population of excited states (n ∝ e−E/kT ),
bound-bound transitions from lower energy levels have
much higher contributions to the total opacities.
Figure 2 shows the overview of the opacity as a func-

tion of atomic number: the Plank mean opacities are
shown for T = 5, 000 and 10,000 K for all the elements.
In the following sections, properties of the opacities are
discussed for each open shell of the elements.

3.1. f-shell elements

Open f -shell elements, lanthanides and actinides,
have larger opacities than the elements with other open
shells (Kasen et al. 2013; Tanaka & Hotokezaka 2013;
Fontes et al. 2017; Tanaka et al. 2018; Wollaeger et al.
2018; Fontes et al. 2019). Due to the large number of
energy levels with small energy spacing, the opacities

Tanaka+19

Low A: Low opacity 
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Different channels

Figure 1

A summary for the merger and post-merger evolution of binary neutron stars. Mthr and
Mmax,spin denote the threshold mass for the prompt formation of a BH and the maximum mass of
rigidly rotating cold neutron stars, respectively. Their values are likely to be Mthr ⇠> 2.8M� and
Mmax,spin ⇠> 2.4M�. For the total mass m > Mthr, a BH is formed in the dynamical timescale
after the onset of merger, and for the nearly equal-mass case, m1 ⇡ m2, the mass of disks
surrounding the BH is tiny ⌧ 10�2

M�, while it could be ⇠> 10�2
M� for a highly asymmetric

system with m2/m1 ⇠< 0.8. For Mmax,spin < m < Mthr, a hypermassive neutron star (HMNS) is
formed, and it subsequently evolves through several angular-momentum transport processes,
leading to eventual collapse to a BH surrounded by a disk (or torus). See Refs. (69, 70) for the
definition of the HMNS (and SMNS referred to below). When m is close to Mthr, the lifetime of
the MNS is relatively short, while for smaller values of m toward Mmax,spin, the lifetime is longer.
For the longer lifetime, the angular-momentum transport process works for a longer timescale, and
the disk mass could be ⇠> 0.1M�, whereas for a short lifetime, it could be ⇠ 10�2

M� or less. For
m < Mmax,spin, a supramassive neutron star (SMNS) is formed and it will be alive for a
dissipation timescale of angular momentum which will be much longer than the cooling timescale
⇠ 10 s. Note that MNS denotes either a SMNS or a HMNS.

their spin is minor, the total mass (m = m1 + m2), the mass ratio (q = m2/m1 ( 1))

of the system, and the EOS are the key quantities for determining the merger remnant.

For BH-NS binaries, the BH spin as well as the mass ratio and neutron-star EOS are the

key quantities. In the following two subsections, we classify the remnants formed after

neutron-star mergers.

2.1. Binary Neutron Stars

Figure 1 summarizes the possible remnants and their evolution processes for mergers of bi-

nary neutron stars. Broadly speaking, there are two possible remnants formed immediately

after the onset of merger; BH and MNS. A BH is formed if the total mass m is so high that

the self gravity of the merger remnant cannot be sustained by the pressure associated pri-

marily with the repulsive force among nucleons and centrifugal force due to rapid rotation

associated with the orbital angular momentum of the premerger binary.

In the last decade, simulations were performed employing a variety of neutron-star EOSs

(e.g., (73, 74, 75, 76, 43, 77, 78, 79, 80, 38, 37, 52, 49, 39, 81)), of which the maximum mass

of a non-rotating neutron star is consistent with the existence of two-solar-mass neutron

4 Shibata and Hotokezaka

Likely for GW170817

We may see variation in the kilonova emission of future merger events. 



GW + Kilonova => NS EOS

confirmed, this would imply that the lower bound on L̃ might
depend on q. Note that the upper bound on L̃ estimated from
the GW signal is also likely to have some dependency on q.
Consequently, a more precise determination of the exclusion
region on L̃ will necessarily require a full Bayesian analysis of
the GW data using L̃ priors informed by numerical-relativity
results.

We plan to improve our modeling by means of new
simulations exploring the set of binary progenitor parameters
compatible with GW170817 and the associated EM
counterparts.
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Figure 1. Remnant disk plus dynamic ejecta masses (upper panel) and BH
formation time (lower panel) plotted against the tidal parameter L̃
(Equation (1)). For models that do not collapse during our simulation time,
we give a lower limit. The horizontal dashed line shows a conservative lower
limit for AT2017gfo, M0.05 :, obtained assuming that the entire disk is
unbound. The vertical dotted line is 400L =˜ . Errors on Mdisk and Mej are
estimated following Equation (3) and are added in quadrature.

Figure 2. Tidal parameter L̃ (Equation (1)) as a function of the mass ratio q for
a fixed chirp mass M1.188chirp% = :. The shaded region shows the region
excluded with a 90% confidence level by the LIGO-Virgo observations (Abbott
et al. 2017b), with the additional constraint of 400.L̃ derived from the
simulations and the EM observations. EOSs whose curves enter this region are
disfavored. EOSs are sorted for decreasing L̃ at q=1, i.e., H4 is the stiffest
EOS in our sample, and FPS is the softest.
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first analysis with more flexible EOS parameterizations (e.g.,
Raithel et al. 2016). For each EOS, the uncertainty range of
the GW170817-measured binary gravitational mass (LIGO
Scientific Collaboration & Virgo Collaboration 2017) translates
into a corresponding uncertainty range of baryonic mass, defined

by the probability distribution
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lower limit for the mass loss from the system as inferred from the
KN ejecta, and the EOS enters in converting between
gravitational and baryonic masses, = ( )M g Mg
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quoted confidence levels on %c, M1
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For each EOS, we then compare the inferred remnant

mass to the “allowed” range between the maximum mass to
avoid prompt collapse (using the relation ( )M R M,th 1.6 max of
Bauswein et al. 2013), to the minimum baryonic mass, which
results in an SMNS with an extractable energyDT (Equation (1))
less than the upper limits on the kinetic energy of the KN and
GRB emission 1= +E E E 10 ergEM KN GRB

51 . Integrating the
probability distribution of the remnant mass within this allowed
range yields the “consistency” of the given EOS with the
GW170817observations,
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One example of this analysis is illustrated in Figure 2.

Clearly, EEM is so much smaller thanDTmax that the extractable
energy curve intersects EEM at the very precipice of the SMNS–
HMNS transition. We also find for all of the EOSs that we have
examined that »M M1.18smns

b
max
b largely irrespective of

compactness, consistent with previous findings (e.g., Lasota
et al. 1996). These two facts allow for the formulation of an
approximate analytic criterion on the maximal non-rotating NS
mass consistent with GW170817,

1 x ( )M M , 7max
b

rem
b

where x � –1.16 1.21 and the EOS is only necessary in
translating baryonic to gravitational masses.
In addition to several key properties of each EOS, Table 1

provides the probability that each EOS is consistent with
constraints from GW170817. For instance, the very hard MS1,
MPA1, and ENG EOS are disfavored, with consistencies of
0.0%, 0.0% and 5.2%, respectively. However, the softer EOSs
with 1 :–M M2.1 2.2max

g show much higher consistencies.

Figure 4. Constraints on properties of the NS EOS—radius of a :M1.3 NS,
R1.3, and maximal non-rotating gravitational mass, Mmax

g —based on joint
GW-EM observations of GW170817. Different EOSs are represented as points,
the color of which corresponds to the consistency of the given EOS with
observational constraints. The similarly colored diagonal curves represent
polytropic EOSs of index n, while the gray shaded regions to the bottom right
are ruled out by the requirement of causality (see the text). Clearly, a low NS
maximal mass is preferred due to constraints ruling out SMNS formation. The
background gray curve shows the cumulative probability distribution function
that the maximum mass Mmax

g is less than a given value (see the text), from
which we find 1 :M M2.17max

g at 90% confidence. The bottom panel shows
masses of observed Galactic NSs, from which a lower limit on Mmax

g can be
placed (vertical dashed line).

Table 1
EOS Properties and Consistency with EM Observations

Mmax
g R1.3 Msmns

g DTmax Consistency
EOS :( )M (km) :( )M (1053erg) (%)

MS1 2.77 14.9 3.31 1.8 0.0
MPA1 2.45 12.4 2.97 1.8 0.0
APR3 2.37 12.0 2.84 1.7 0.2
ENG 2.24 12.0 2.67 1.4 5.2
WFF2 2.20 11.1 2.63 1.6 10.2
APR4 2.19 11.3 2.61 1.5 18.4
SLy 2.05 11.8 2.43 1.2 100.0
H4 2.02 14.0 2.38 0.8 100.0
ALF2 1.98 12.7 2.41 0.9 100.0
GNH3a 1.96 14.3 2.29 0.7 100.0
ALF4a 1.93 11.5 2.35 1.0 99.8
BBB2a 1.92 11.2 2.27 1.1 99.4
MS2a 1.80 14.3 2.10 0.6 99.9

Note. All EOSs are approximated as piecewise broken polytropes (Read et al.
2009).
a Ruled out by :M2.01 0.04 mass of PSR J0348+0432 (Antoniadis
et al. 2013).
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The kilonova signal suggests hypermassive neutron star formation leading to constraints on NS EoS. 

See also Baustein et al. 2017, Shibata et al. 2017, Ruiz et al. 2018.



Question: Why black body?
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and the blue optical emission peaks at νFν ≈ 2.8 × 1041erg s−1, a
factor of 10 brighter than that of the prompt BH model t000. The
optical light curves roughly follow analytic expectations that the
duration should scale as t ∝ M−1/2 and the peak optical luminosity
as L ∝ M1/2 (Metzger et al. 2010), where M is the ejected mass of
high Ye material given in Table 1.

The dependence of the infrared brightness on tns is non-
monotonic. The mass of low Ye ejecta in model t030 (tns = 30 ms)
is greater than that of model t000, and hence the infrared light curve
brighter. A turnover point, however, is reached around tns ≈ 100 ms,
at which point the neutrino irradiation is sufficient to convert nearly
the entire wind to high-Ye, reducing the infrared emission. The
kilonova colours thus correlate with the degree of neutrino irradi-
ation. For tns ! 30 ms, the ratio νLν(B)/νLν(IR) ≈ 5, whereas for
tns > 30 ms the colour is much bluer, with νLν(B)/νLν(IR) ≈ 10.

The origin of the infrared emission in models with tns " 100 ms
is distinct origin from those with tns < 100 ms. In the latter cases,
the infrared emission arises in low-Ye, lanthanide-blanketed regions
of ejecta. In the former, there is no low-Ye ejecta, and the infrared
emission is simply the long wavelength tail of the thermal spectrum
that peaks in the optical. Such infrared light curves display two dis-
tinct maxima, separated by about 10 d. The origin of the secondary
maximum is similar to that studied for Type Ia SN, and results from
an enhancement in infrared emissivity that occurs when the ejecta
transitions from doubly to singly ionized (Kasen et al. 2006). The
clear separation of the two maxima in these models may be an arte-
fact of our approximate opacity prescription, which uses iron group
atomic data as a proxy for all d-shell elements. In reality, the change
in ionization state occurs at a different time for different elements,
depending on the ionization potential, which for complex mixtures
may have the effect of smearing the two peaks together.

Fig. 6 shows the spectra evolution of model t100 over 10 d.
The colour of the continuum rapidly evolves from blue emission
produced in the outer high-Ye layers of ejecta to infrared emission
produced in the inner, low-Ye ejecta. The spectra show numerous
line absorption features that, given the moderate ejecta velocities
(5000–10 000 km s−1), are fairly well resolved. This differs from
the spectra of dynamical ejecta, where the line features are highly
blended due to the fast (0.1c–0.3c) ejecta velocities (Kasen et al.
2013). However, given our approximate line opacities, the posi-
tion of individual lines cannot be trusted, and as line data from
more species are added, line blending may become more prevalent.
Although more work is needed to make quantitative spectral predic-
tions, our results suggest that the relative slowness of the wind may
be discernible in the line features, providing a way to distinguish
a wind from dynamical ejecta. The presence of resolved lines also
provides hope that the detailed composition of outflows could be
estimated from spectral analysis.

3.3 Effect of disc mass and BH spin

The models discussed so far have all assumed a non-spinning BH.
It is more likely, however, that the BH remnant of a compact ob-
ject merger is a rapidly rotating (Oechslin, Janka & Marek 2007;
Kiuchi et al. 2009; Rezzolla et al. 2010). We have therefore also cal-
culated several models representing immediate formation of a BH
with Kerr parameter a = 0.8. The general relativistic effects were
only approximately captured via a psuedo-Newtonian potential (see
Section 2.1).

As discussed in Fernández et al. (2015), a higher BH spin leads
to a deeper potential well and a higher neutrino irradiation from

Figure 6. Spectral time series of model t100. The spectrum at early times
(t ! 2 d) is dominated by optical emission from the lanthanide-free, outer
layers of the wind. At later times, the emission is dominated by infrared
emission from lanthanide-rich material in the central wind regions. Rela-
tively narrow line features (v ≈ 5000 km s−1) are distinguishable however,
due to the uncertainties in the atomic data, the positions of these features
are not reliable.

the inner regions of the disc. As a result, the fraction of high-Ye

material in the wind is greater compared to the non-spinning BH
case. In the spinning BH model a0.8_M0.03, about 15 per cent of
the ejecta has Ye > 0.25. This is significantly larger than the ∼4
per cent high-Ye mass fraction found in the non-spinning BH model
t000, and comparable to the fraction found in model t030 (for which
an HMNS collapses to a non-rotating BH after tns = 30 ms). As
seen in Fig. 5, the light curves of models a0.8_M0.03 and t030
are indeed quite similar. This degeneracy represents a challenge in
using kilonova observations to diagnose the lifetime of an HMNS.

We have also explored the effect of increasing the mass of
the disc from our default value M = 0.03 M⊙ to M = 0.1 M⊙
and M = 0.3 M⊙. In these models (a0.8_M0.1, a0.8_M0.3 and
a0.8_M0.3v), the remnant was assumed to be a BH with a = 0.8.
As expected, a greater disc mass produces a larger ejected mass
and a brighter kilonova. In our model with the most massive winds
(a0.8_M0.3v), the total ejected mass is about 0.05 M⊙ and the kilo-
nova light reaches infrared luminosities in excess of 1041erg s−1.

For these spinning BH models, we also explored the effect of
varying the viscosity parameter α. A higher value of α generally
leads to greater viscous heating and stronger winds. For the models
with disc mass M = 0.3 M⊙, increasing the viscosity from α = 0.02
to α = 0.05 gives a factor of ∼2 more ejected mass. In addition,
the viscosity parameter has a significant effect on the composition
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Figure 11. Bolometric light curves of the models with high
Ye (Ye = 0.30−0.40, blue), intermediate Ye (Ye = 0.20−0.30,
green), and low Ye (Ye = 0.10−0.20, red) compared with the
bolometric light curve of GW170817/AT2017gfo constructed
by Waxman et al. (2018). Dotted lines show the epoch in
which our calculations are not reliable since the ejecta tem-
perature is too high for our opacity data (only up to triply
ionized ions, see Section 3).

low Ye (Ye = 0.10− 0.20, lanthanide fraction of ∼ 0.1).
The abundances are averaged over the Ye range above by
using single-Ye nucleosynthesis calculations with a step
of ∆Ye = 0.01 by Wanajo et al. (2014). The nuclear
heating rates for corresponding Ye ranges are also taken
from Wanajo et al. (2014). The thermalization efficien-
cies of γ-rays, α particles, β particles, and fission are
separately taken into account by analytically estimating
characteristic timescales (Barnes et al. 2016).
The overall light curve behaviors are not significantly

different from our previous calculations (Tanaka et al.
2018) using only Se (p-shell), Ru (d-shell), Te (p-shell),
Nd (f -shell), and Er (f -shell) as representative elements.
However, the light curves with new opacity data are
more smooth both in time and wavelength. In partic-
ular, the use of representative elements can often exag-
gerate emission in certain wavelengths. At later time
(t ∼> 10 days), only transitions from low-lying energy
levels contribute the opacities. And thus, the use of
small number of elements artificially enhances contribu-
tions from transitions of these elements. These effects
are smeared out by properly including all the elements,
which results in smooth spectra.
The differences in the abundances are clearly im-

printed in the multi-color light curves (Figure 10). For
lower Ye, the light curves become redder, i.e., opti-
cal brightness is suppressed and NIR brightness is en-
hanced. Due to the large opacities in the intermediate
and low Ye models, the evolutions of the NIR light curves

are slow. A blue emission dominated in the optical wave-
lengths is realized only for the high Ye model at t < 3
days after the merger.
Compared with the observed properties of AT2017gfo

associated with GW170817, the early optical light curves
are most similar to the high Ye model while the NIR light
curves are most similar to the intermediate Ye model.
The same agreement is also found in the bolometric light
curve (Figure 11). The early part (t ∼ 1− 2 days) best
matches with the high Ye model while the later part
matches with the intermediate Ye model. Note that our
models are very simple, and ejecta parameters such as
mass and velocity are not tuned to reproduce the proper-
ties of AT2017gfo. Nevertheless, these qualitative agree-
ments confirm the presence of multi-component ejecta
with different abundances.
The low Ye model overproduces the total luminos-

ity and gives too red color, which suggests that such
a low Ye component with a lanthanide fraction of
X(La) ∼ 0.1 is not dominant (Mej ≪ 0.03M⊙). This
is consistent with a relatively low lanthanide fraction
X(La) ∼< 0.01 estimated by the spectral and light curve
modelling (Chornock et al. 2017; Kasen et al. 2017;
Kilpatrick et al. 2017; Tanaka et al. 2017; Tanvir et al.
2017).

4.3. Spectra

The spectral features in our models are of inter-
est because this is the first calculations with the
atomic data of all the r-process elements. Figure 12
compares the model spectra with the observed spec-
tra of GW170817/AT2017gfo with VLT/X-Shooter
(Pian et al. 2017; Smartt et al. 2017). The models cap-
ture overall spectral shape and its evolution: the high
Ye model gives a similar shape of the optical spectra at
early phases while intermediate Ye model gives a similar
NIR flux level at later phases.
However, detailed spectral features are not necessarily

consistent between the observations and models. This
is not surprising because our atomic data do not have a
good accuracy for each transition wavelength. To iden-
tify the spectral features, we need to use either well-
calibrated (but not complete) atomic data as done by
Tanaka & Hotokezaka (2013) or very accurate atomic
calculations as done by Gaigalas et al. (2019).
There are two potentially important drawbacks in

our models. One is too narrow spectral features in
the early spectra. This is due to the assumption
of ⟨v⟩ = 0.1c in our model. The observed broader
features indicate that the line-forming region of the
blue component should have v > 0.1c. In fact, such
high velocities of the blue component have been sug-

Tanaka+19

Two component models (low & high opacities) generally predict a 
bump in the light curve but we didn’t see it in GW170817.



Question: Different channels make difference?

Figure 1

A summary for the merger and post-merger evolution of binary neutron stars. Mthr and
Mmax,spin denote the threshold mass for the prompt formation of a BH and the maximum mass of
rigidly rotating cold neutron stars, respectively. Their values are likely to be Mthr ⇠> 2.8M� and
Mmax,spin ⇠> 2.4M�. For the total mass m > Mthr, a BH is formed in the dynamical timescale
after the onset of merger, and for the nearly equal-mass case, m1 ⇡ m2, the mass of disks
surrounding the BH is tiny ⌧ 10�2

M�, while it could be ⇠> 10�2
M� for a highly asymmetric

system with m2/m1 ⇠< 0.8. For Mmax,spin < m < Mthr, a hypermassive neutron star (HMNS) is
formed, and it subsequently evolves through several angular-momentum transport processes,
leading to eventual collapse to a BH surrounded by a disk (or torus). See Refs. (69, 70) for the
definition of the HMNS (and SMNS referred to below). When m is close to Mthr, the lifetime of
the MNS is relatively short, while for smaller values of m toward Mmax,spin, the lifetime is longer.
For the longer lifetime, the angular-momentum transport process works for a longer timescale, and
the disk mass could be ⇠> 0.1M�, whereas for a short lifetime, it could be ⇠ 10�2

M� or less. For
m < Mmax,spin, a supramassive neutron star (SMNS) is formed and it will be alive for a
dissipation timescale of angular momentum which will be much longer than the cooling timescale
⇠ 10 s. Note that MNS denotes either a SMNS or a HMNS.

their spin is minor, the total mass (m = m1 + m2), the mass ratio (q = m2/m1 ( 1))

of the system, and the EOS are the key quantities for determining the merger remnant.

For BH-NS binaries, the BH spin as well as the mass ratio and neutron-star EOS are the

key quantities. In the following two subsections, we classify the remnants formed after

neutron-star mergers.

2.1. Binary Neutron Stars

Figure 1 summarizes the possible remnants and their evolution processes for mergers of bi-

nary neutron stars. Broadly speaking, there are two possible remnants formed immediately

after the onset of merger; BH and MNS. A BH is formed if the total mass m is so high that

the self gravity of the merger remnant cannot be sustained by the pressure associated pri-

marily with the repulsive force among nucleons and centrifugal force due to rapid rotation

associated with the orbital angular momentum of the premerger binary.

In the last decade, simulations were performed employing a variety of neutron-star EOSs

(e.g., (73, 74, 75, 76, 43, 77, 78, 79, 80, 38, 37, 52, 49, 39, 81)), of which the maximum mass

of a non-rotating neutron star is consistent with the existence of two-solar-mass neutron

4 Shibata and Hotokezaka

Figure 2

A summary for the merger and post-merger evolution of BH-NS binaries. This system has two
possible fates; the neutron star is tidally disrupted or not by the companion BH. For the case of
tidal disruption, the remnant is a spinning BH surrounded by a disk. The evolution process of the
BH-disk system is essentially the same as that for binary neutron star mergers.

2.2. Black Hole-Neutron Star Binaries

Figure 2 summarizes the possible remnants and their evolution processes expected for merg-

ers of BH-NS binaries. BH-NS binaries have two possible fates: Either the neutron star is

tidally disrupted before it is swallowed by the BH or it is swallowed by the BH without

disruption (70). For the latter case, essentially disk is not formed and no matter is ejected,

and there is no or weak EM emission.

Tidal disruption of a neutron star occurs if the tidal force by BHs is stronger than the

self-gravity of the neutron star. Assuming Newtonian gravity, the condition is approxi-

mately written as GMBHR1/r
3
> GMNS/R

2

1. Therefore,

⇣
GMBH

c2r

⌘3/2 ⇣
MNS

MBH

⌘⇣
R1

Gc�2MNS

⌘3/2

> 1, 5.

where r is the orbital separation, MBH and MNS are the mass of the BH and neutron star,

and R1 is the semi major axis of the neutron star. R1 is by a factor of ⇠ 1.5 larger than

the neutron-star radius, RNS, at the onset of tidal disruption. For tidal disruption, the

condition of Eq. 5 should be satisfied before the neutron-star orbit reaches the innermost

stable circular orbit (ISCO) around the BH, at which r = ⇠Gc
�2

MBH, where ⇠ = 6 for

non-spinning BHs and ⇠ = 1 for extremely rapidly spinning BHs (which is corotating with

the binary orbit). Here, we have assumed that Q = MBH/MNS is large enough that we can

ignore the tidal deformation e↵ect of neutron stars to the orbital motion. Then, we can

rewrite Eq. 5 as ⇣
⇠

6

⌘�3/2 ⇣
Q

7

⌘�1 ⇣
R1

10Gc�2MNS

⌘3/2

> 3.25. 6.

We note that Gc
�2

MNS ⇡ 2.0(MNS/1.35M�) km. This condition indicates that tidal dis-

ruption occurs for low values of ⇠ (i.e., for rapidly spinning BHs) or for low values of Q,

if the BH spin is not very large. Since the value of Q is likely to be higher than ⇡ 4 for

the typical neutron-star mass of 1.3–1.4M�, we find that a high-spin BH is needed for tidal

disruption of neutron stars.

Numerical-relativity simulations have shown that for the case in which a neutron star

is tidally disrupted, an accretion disk is subsequently formed around a spinning BH (107,

108, 33, 109, 110, 111, 35, 44, 46, 47, 36, 48, 112, 113, 42, 53, 54). Also, a fraction of
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NS-NS

BH-NS

It will be very helpful for astronomers to know masses.



Toward identifying heavy     
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α-decay and fission
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FIG. 2. Lightcurve for the DZ31 model with Ye,a = 0.15
(thick solid blue line) showing the dominating contributions
to the total radioactive heating: beta decays (thin maroon
line) and individual ↵-decays (thin blue lines).

havior of Q̇(t).
By contrast, for even higher Ye,c the nuclear abun-

dances can become dominated by a few nuclei, espe-
cially at late times, in which case Q̇(t) can reflect the
exponential decay law resulting in the production of a
“bump/dip”-like feature in the lightcurve (see also [15]).
For instance, when Ye,c = 0.35, only nuclei with A <⇠ 100
are abundantly produced. As no nuclei exist with �-
decay lifetimes between 10–50 days in this mass range,
this results in a clear dip at t ⇠ 20 days. For the case
of Ye,c = 0.45, the two “bumps” at t ⇠ 4 and ⇠ 100
days are associated with the decay of 66Ni and the de-
cay sequence of 56Ni!56Co!56Fe. Note that in both
cases, the resulting Q̇(t) are compatible with the Lbol(t)
of AT2017gfo and cannot be ruled out by such compari-
son (c.f., Ref. [31] which assumed single-Ye models).

The impact of actinides and the nuclear physics un-
certainties on the lightcurves is clearly shown by the
Ye,c = 0.15 models adopting both the FRDM and the
DZ31 masses. Both show enhancement of the late-time
lightcurve when compared to the Ye,c = 0.25 curve. This
enhancement originates from the additional heating sup-
plied by the ↵-decay of translead nuclei with 220 <⇠
A <⇠ 230. Among those, four nuclei have ↵-decay half-
lives between 1 and 100 days: 222Rn(t1/2 = 3.8 days),
223Ra(t1/2 = 11.4 days), 224Ra(t1/2 = 3.6 days), and
225Ac(t1/2 = 10 days, following the �-decay of 225Ra
with t1/2 = 14.9 days). Their decay chains release a large
amount of nuclear energy ⇠ 30 MeV (see Table I in Sup-
plemental Material), most of which goes into the kinetic
energy of the ↵ particles, that thermalize more e�ciently
than the �-decay products. These ↵-decays can therefore
compete with the �-decays of many other nuclei at early
time (t ⇠ 2–6 days) and dominate the heating rate at
late times, despite their low abundances. Particularly,
the model with DZ31 masses demonstrates that impor-
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FIG. 3. The decay of 254Cf could produce a late-time plateau
in the lightcurve. Thie figure is the same as Fig. 1, but show-
ing the Ye,a = 0.15 model for a case in which the abundance
of 254Cf is artificially enhanced from our fiducial model.

tant consequences can be derived when abundances of
these nuclei are at the level of ⇠ a few times 10�5. First,
the enhanced heating from ↵-decays reduces the required
ejecta mass Mej to account for the AT2017gfo luminosity
around 3-6 days by roughly a factor of 2. More impor-
tantly, it generates a broad “bump”-like feature at t ⇡
6–200 days that is otherwise absent without actinide pro-
duction. This feature is mostly driven by the A = 225
decay chain due to its e↵ective long t1/2 (see Fig. 2).
As no other radioactive nuclei can release similar en-
ergy on this timescale, such a feature in future kilonova
observations would uniquely point to the production of
heavy nuclei up to the actinides in that mass range to the
abundance level of a few times 10�5. The steepening of
the AT2017gfo Lbol at t ⇠ 10 d, suggests upper limit of
<⇠ 10�5 for the total abundance of translead nuclei with
A = 222–225. Assuming the relative abundance ratio of
nuclei with A > 220 follows the FRDM model prediction,
an upper limit on the U and Th production in GW170817
can be derived as <⇠ 3.5⇥10�2 M�. Similarly, it can also
be estimated from the 254Cf feature discussed later. A
future detection of these signatures may likewise be used
to determine the U/Th yield.

Beyond the e�cient energy deposition from ↵-decays,
the potential importance of spontaneous fission heating
was pointed out in Ref. [32] (also see Ref. [21] for a very
recent work discussing the impact of 254Cf fission on the
lightcurve). Similar to the ↵-decay nuclei, whether 254Cf
(or even heavier nuclei) can dominantly contribute to
kilonova heating is subject to nuclear physics uncertain-
ties. The production of ↵-decay nuclei is sensitive to the
evolution of the N = 162 subshell closure for Z ⇠ 80
while the amount of 254Cf (and neighboring nuclei) re-
maining at days is sensitive to the prediction of fission
barriers that a↵ect various fission rates of the progen-
itor nuclei. Within our adopted nuclear input, we do

α-decay (A=222-225) Fission (A>250)

Radioactivity of very heavy nuclei may be seen as an 
excess  in the late light curve. 

Wu+18, Zhu+18



Nebular emission (neodymium kilonova)

t=40 day

Late-time emission is composed of emission lines. 
JWST will easily see the spectrum at 100 Mpc.

0 2 4 6 8 10 12 14
� [µm]

1036

1037

1038

1039
L

�
[e

rg
/s

/µ
m

]
t = 40 day Total

Nd II

Nd III

Nd IV

KH + in prep.



10-10

10-9

10-8

10-7

10-6

10-5

10-4

 1  10  100  1000  10000

Fl
ux

 [p
ho

to
ns

/s
/k

eV
/c

m
2 ]

Energy [keV]

1day, 3Mpc, 0.01Msun

rest frame
v = 0.3c

v = 0.05c

10-10

10-9

10-8

10-7

10-6

10-5

10-4

 1  10  100  1000  10000

Fl
ux

 [p
ho

to
ns

/s
/k

eV
/c

m
2 ]

Energy [keV]

3day, 3Mpc, 0.01Msun

rest frame
v = 0.3c

v = 0.05c

10-10

10-9

10-8

10-7

10-6

10-5

10-4

 1  10  100  1000  10000

Fl
ux

 [p
ho

to
ns

/s
/k

eV
/c

m
2 ]

Energy [keV]

5day, 3Mpc, 0.01Msun

rest frame
v = 0.3c

v = 0.05c

10-10

10-9

10-8

10-7

10-6

10-5

10-4

 1  10  100  1000  10000

Fl
ux

 [p
ho

to
ns

/s
/k

eV
/c

m
2 ]

Energy [keV]

10day, 3Mpc, 0.01Msun

rest frame
v = 0.3c

v = 0.05c

Figure 2. Spectrum of γ-rays at 1, 3, 5 and 10 days after merger for NSM-solar. Black lines depict the γ-ray spectrum produced by
nuclei at rest. The red (blue) curve shows the spectrum with the Doppler broadening with an expansion velocity of 0.3c (0.05c). The
normalization is determined with the mass of ejected r-process elements of 0.01M⊙ and the observed distance of 3 Mpc. Here we do not
take any absorption and scattering processes into account.

we find

Ėe(t) ≈ 4 · 109 erg/s/g

!

t
1 day

"−1.3

, (2)

Ėγ(t) ≈ 8 · 109 erg/s/g

!

t
1 day

"−1.3

, (3)

Ėα(t) ≈ 7 · 108 erg/s/g

!

t
1 day

"−1 !
XA!210

3 · 10−2

"

, (4)

Ėf (t) ≈ 2 · 109 erg/s/g

!

t
1 day

"−1 !
XA!250

2 · 10−2

"

. (5)

where XA!210 (XA!250) is the total mass fraction of nuclei
with 210 ! A ! 280 (250 ! A ! 280). Note that the nu-
merical coefficients in Eqs. (2) and (3) are valid as long as
material has the solar-like r-process pattern containing the
second (A ∼ 130) and third (A ∼ 195) r-process peaks.

Although the form of ϵγ(t) should be computed with a
radiative transfer simulation, here we give rough estimates.
The optical depth of homologously expanding ejecta is given
by

τγ(t) =

!

ttr,γ
t

"2

, (6)

where ttr,γ ≈ (κγMej/4πv
2)1/2 ≈

0.4 day(κγ/0.05 cm2/g)1/2(Mej/0.01M⊙)1/2(v/0.3c)−1

is the time that the ejecta become transparent to γ-rays.

Here we assume that the dominant interaction process of
γ-rays with matter is Compton scattering.

At the diffuse-out timescale of thermal photons (optical
to infrared: IR) tdiff,o when the optical depth to thermal
photons satisfies τopt = c/v, a significant amount of the
deposited energy starts to escape as thermal photons. We
rewrite Eq. (6) in terms of tdiff,o:

τγ(t) ≈
κγ

κo

c
v

!

tdiff,o

t

"2

, (7)

≈ 0.02

!

tdiff,o

t

"2 !
κγ

0.05 cm2/g

"

×

!

κo

10 cm2/g

"−1
# v
0.3c

$−1

, (8)

where κo is the opacity of r-process elements to photons in
the optical bands. It is dominated by bound-bound tran-
sitions of lanthanides (Kasen et al. 2013; Tanaka & Ho-
tokezaka 2013). For the dynamical ejecta, on the timescale
of tdiff,o, the optical depth to γ-rays is much smaller than
unity, thereby only a small fraction of the γ-rays’ energy is
deposited in the ejecta on the peak timescale of macronovae.

For the slowly expanding wind ejecta, in particular lan-
thanide free cases, the γ-ray heating efficiency is significantly
different. The opacity to thermal photons and expansion ve-
locity of the wind ejecta are κo ∼ 1 cm2/g and v ∼ 0.05c (see
e.g., Tanaka & Hotokezaka 2013 for the opacity of the wind
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Figure S6: Predicted X-ray flux from atomic line emission of high atomic mass elements. The predicted flux
falls well below the sensitivity of our NuSTAR data.
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Detecting these lines would be an ultimate proof of the production  
of r-process nuclei in mergers but it is extremely difficult.

Nuclear γ-ray emission



A jet in GW170817
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GW + light curve + VLBI => H0

The jet modeling is needed to be refined in future.

the information about the host galaxy NGC4993 (see Methods)15. Figure 2 depicts the poste-84

rior distribution for H0 for a PLJ model and that of the GW-only analysis15, 27. The constraint85

is improved from the GW-only analysis, 74+16
�8 km/s/Mpc, to 68.1+4.5

�4.3 km/s/Mpc (median and86

symmetric 68% credible interval). Also depicted in Figure 2 are the regions determined by the87

Planck CMB3 and SH0ES Cepheid-supernova distance ladder surveys4 respectively. Figure 388

shows the posterior distributions for H0 with the different jet models: hydrodynamics simula-89

tion jet (0.25 < ✓obs

⇣
d

41 Mpc

⌘
< 0.5 rad), PLJ, and GJ models. The medians and 68% credible90

intervals are 70.3+5.3
�5.0, 68.1+4.5

�4.3, and 68.3+4.4
�4.3 km/s/Mpc, respectively, corresponding to a precision91

of 6–7% at 1-� level. These are consistent with that estimated by using the surface brightness92

fluctuation technique applied to NGC 499328. The sources of errors in our analysis are the GW93

data, the shape of the light curve, the centroid motion, and the peculiar velocity of the host galaxy.94

While the constraint on ✓obs is slightly different between the three models, the systematic error95

in H0 due to this difference is much smaller than 7%. This is because the uncertainty in H0 of96

our analysis is dominated by both the GW data and the peculiar motion of NGC 4993 (contrary97

to the GW-only analysis, where the uncertainty in the observing angle is a major source of error).98

Finally, it is important to bear in mind that our result does not depend on the spin prior in the GW99

analysis27 (see Methods).100

Our new analysis, which is based on this single event, improves the H0 measurement to101

a precision of ⇠ 7% but it does not resolve the discrepancy between Planck and SH0ES yet. We102

expect that the precision of the measurement will improve by observing more merger events similar103

to GW170817, i.e, mergers with detectable jet afterglows. In the coming years, several to tens of104

5

KH+19



Near Future: afterglow of kilonova remnant
26

Figure 29. Color of the kilonova light curves for all the fiducial
subset of simulations at three di↵erent times, as a function of the
binary tidal parameter ⇤̃. Light curves are computed for an ob-
server located at a polar angle of 45�. The color of the transient
at di↵erent times shows a significant correlation with ⇤̃.

analytic method of Hotokezaka & Piran (2015). Accord-
ing to this model electrons accelerated in the shock be-
tween the ejecta and the ISM emit synchrotron radiation
in the amplified magnetic filed. The total flux density is
calculated by integrating the radiation flux from each
solid angle over the equal-arrival time surface. The ISM
number density n is a parameter of the model. The con-
version e�ciencies of the internal energy of the shock
to the energy of the accelerated electrons and amplified
magnetic field are assumed to be ✏e and ✏B , respectively.
The initial velocity profile of the ejecta is given by map-
ping the three dimensional structure of the ejecta to a
one dimensional structure, then the ejecta are evolved
adiabatically.

Before discussing the numerical results, here we give
briefly the scalings of the peak time and peak flux with
the relevant physical quantities. The peak time of the
light curve can be estimated from the deceleration time
of the ejecta (Nakar & Piran 2011):

tdec ⇠ 3 · 103 day

✓
Tej

1050erg

◆1/3

(29)

⇥
⇣ n

10�3
cm�3

⌘�1/3 ⇣ vej

0.3c

⌘�5/3

,

where E and v are the ejecta kinetic energy and initial
velocity8. The peak flux can be estimated as

F⌫ ⇠ 10 µJy

✓
Tej

1050erg

◆⇣ n

10�3cm�3

⌘ p+2
4

⇣ ✏B

10�2

⌘ p+2
4

(30)

⇥
⇣ ✏e

10�1

⌘p�1 ⇣ vej

0.3c

⌘ 5p�7
2

✓
D

40 Mpc

◆�2 ⇣ ⌫

3 GHz

⌘� p�1
2

,

where p is the spectral index of the non-thermal elec-
trons.

As in the previous work by Hotokezaka et al. (2018b),
who used the results of high resolution merger simula-
tions performed by Kiuchi et al. (2017), we also find
that it is the fast component of the dynamical ejecta
with velocities of ⇠0.3�0.8 c to predominantly produce

8 This deceleration time is measured in the merger rest frame.
The di↵erence between this time and observer time is about a factor
of a few.
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Figure 30. Radio light curves of the dynamical ejecta of
SFHo M135135 LK at 3 GHz. Here we assume the microphysics pa-
rameters to be ✏e = 0.1, ✏B = 0.01, and p = 2.16. Also shown
as open circles are the observed flux densities at 3 GHz of the af-
terglow in GW170817 (Hallinan et al. 2017; Mooley et al. 2017,
2018).

Figure 31. Radio light curves of DD2 M135135 LK and
BHBlp M135135 LK at 3 GHz. The distance to the source and ISM
density are assumed to be 100 Mpc and 0.1 cm�3, respectively.
Here the microphysics parameters are set to be ✏e = ✏B = 0.1 and
p = 2.5.

a synchrotron signal. Figure 30 shows the expected ra-
dio signals of the dynamical ejecta of SFHo M135135 LK

compared with GW170817. Here we calculate the light
curve with a similar method to Hotokezaka et al. (2018b)
and choose the number density of the ISM to be 10�4–
5·10�3 cm�3 as suggested by Mooley et al. (2018). While
the dynamical ejecta component is fainter than the ob-
served flux densities until ⇠300 days, this component can
be detectable in radio and X-rays on time scales of a year
to ten years in the optimistic case. The peak flux density
depends also on the EOS and it is fainter for the cases of
DD2, BHB⇤�, and LS200 because the kinetic energy in
the high velocity component is lower than that of SFHo
(see Eq. 31 for the scaling).

The synchrotron remnant arising from the dynamical
ejecta may be detectable in future GW events if the
ISM density is large enough. For instance, radio coun-
terparts with a flux of & 100 µJy can be detectable by
blind survey with VLA, ASKAP, and MeerKAT when
the GW localization area is better than ⇠30 deg2 (Ho-
tokezaka et al. 2016). Of course, if the host galaxy
is identified by finding other EM counterparts, the de-
tection limit is reduced to a few tens of µJy. Figure
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Fig. 2. Left: The light curve of GRB 910718, a bright SHB with T90 =0.25 s. Right: The first 0.7 s of GRB 941228, a bright long GRB with T90 =62 s.
The figure demonstrates the similarity in short-time-scale structure in long and short GRBs. The resolution of both light curves is 5 ms. Both bursts
show variability down to the resolution limit.

found between the duration of a burst and the duration of its sub-pulses (given that the burst is not single pulsed). The
duration distribution of single pulses ranges from 5 to 300 ms with a broad peak around 50 ms. Thus, the lower limit on
the shortest time scale observed in these SHBs is of the order of 10 ms, and is set by the resolution limit. Shorter time
scales are probably present, as evident from a single case in which a very bright < 1 ms pulse is observed in a SHB
(Scargle et al., 1998, fainter pulses than this one cannot be resolved on ms time scale). McBreen et al. (2001) analyzed
the distribution of various temporal properties of pulses in 100 bright BATSE SHBs. They find that the rise times,
fall times, FWHM, pulse amplitudes and areas are all consistent with lognormal distributions and that time intervals
between pulses and pulse amplitudes are highly correlated with each other.

A comparison of the temporal structure of bright SHBs to the initial 2 s of a sample of long GRBs7 shows similar
time scales and similar distributions of pulse durations (Nakar and Piran, 2002b). This similarity is demonstrated in
Fig. 2. Similarly, McBreen et al. (2001) find a great similarity between the lognormal distributions and correlations in
the temporal structure of short and long GRBs. On the other hand, an examination of the temporal evolution of pulses
as a function of frequency shows a different behavior in long and short bursts. Norris et al. (2001) compare the spectral
lags of short and long GRBs. Spectral lag is a measurement of the spectral evolution timescale of the pulse structure,
where a positive value indicates a hard-to-soft evolution (see Norris et al., 2000, for an exact definition). They find
that long bursts show positive spectral lags that extend up to ∼ 2 s with a core around 50 ms. SHBs, however, show a
symmetric distribution of lags that ranges between ±30 ms.

Thus the temporal structure of SHBs shows both similarities and dissimilarities to that of long GRBs. Unfortunately
additional comparisons of the temporal structure of short and long bursts were not carried out so far, mostly because
of the difficulty in the analysis of SHB light curves. While the temporal structure of long GRBs was explored in detail
(e.g., Norris et al., 1996), only the general properties of the temporal structure of SHBs are known.

2.1.3. Spectrum
Comparison of the hardness ratio of SHBs to that of long GRBs shows that SHBs are on average harder. This result

was used by Kouveliotou et al. (1993), together with the bimodal duration distribution, to suggest that SHBs and long
GRBs are two distinctive populations. Fig. 3 depicts T90 and the hardness (ratio between the 50–100 keV and the

7 The sample includes only long GRBs that have high-resolution light curve and an initial pulse that is shorter than 2 s.

25

Figure 1. The 256 ms binned lightcurve of GRB 170817A in the 50–300 keV band for NaIs 1, 2, and 5. The red band is the

un-binned Poisson maximum likelihood estimate of the background.

GRB 170817A



Difficulty of a simple off-axis model6 Matsumoto, Nakar & Piran
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Figure 3. Required conditions for the γ-rays emitting region.
The black curve shows the upper limit on the kinetic energy im-
posed by the afterglow. The microphysics parameters are set as
n = 10−4 cm−3, ϵe = 10−1, and ϵB = 10−3 (Mooley et al. 2018a).
The upper limits for the near off-axis (solid) and the far off-axis
(dashed) cases are connected at ∆θ = 0.08 rad. The red curve shows
the limit derived by the compactness argument for case (i) (see
also Fig 2). The data point denotes the observed jet core’s an-
gular distance and the kinetic energy (Mooley et al. 2018a). The
magenta line shows the observed γ-ray energy in GRB 170817A.
The region that emitted the γ-rays must lie in a narrow range
above the observed magenta line, to the left of the compactness
(red) curve and below the afterglow (black) line.

on semi-analytic code that takes into account geometrical
factors that were ignored in these papers.

5 COMBINED CONSTRAINTS ON THE
SOURCE OF GRB 170817A AND
COMPARISON TO SGRBS

Fig. 3 combines the limits obtained in the previous two sec-
tions. The red line shows the compactness limit. The γ-ray
emitting region of GRB 170817A must lie to the left of this
line. The black line marks the upper limit on Ek,iso(∆θ). The
isotropic equivalent afterglow kinetic energy must lie below
this line. First, the combined constraints3 leave a very nar-
row allowed region for the source of GRB 170817A. The
emitting region cannot be more than 5◦ away from the line-
of-site and the total isotropic equivalent energy carried by
the emitting material cannot exceed ∼ 3 × 1049 erg, namely
with a reasonable γ-ray efficiency A ! 100. The observed
gamma-rays must have been emitted either on-axis (i.e.,
∆θ ! Γ−1), or alternatively if there is a significant off-axis
suppression then it is rather limited, corresponding to only
∼ 10−3 of the jet core isotropic equivalent energy. Thus, if
the core of the jet produced a regular sGRB towards an ob-
server along its beaming cone, the sGRB was brighter by

3 We use the conservative assumption that Eγ, iso ! Ek, iso, which
holds unless the γ-ray efficiency is extreme even in GRB stan-
dards.
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Figure 4. The trajectory (for case i) on which on-axis observables
should be located to produce the observed average properties of
the prompt γ-rays in GRB 170817A. The dashed line marks re-
gions with A > 100 that are ruled out when compactness and
afterglow considerations are taken into account. The black points
show other observed sGRBs from (Wang et al. 2017).

several orders of magnitude than the emission from the re-
gion that produced the γ-rays that we observed, even if the
luminosity that we saw was suppressed by off-axis effects.

The observed γ-rays were ∼ 10−5 fainter than the pu-
tative sGRB emitted by the jet core. Our results show
that even if off-axis effects were important in shaping GRB
170817A then an on-axis observer saw a signal that is at
most ∼ 10−3 fainter than the sGRB produced by jet core.
Therefore there is no motivation to expect that off-axis ef-
fects played a significant role. Yet, it is interesting to ask
how did the on-axis emission looked like in that case. Tak-
ing the maximal value of A ∼ 100 results in ∼ 5 × 1048 erg
burst, which is weaker than the faintest sGRB seen to date.
The variability time scale of its pulses is ∼ 10 ms and the
average spectrum hardness is ∼ 2 MeV. Fig. 4 shows the
track that GRB 170817A can take on the Eγ,iso − Ep plane
as a result of off-axis effects. Clearly, there is no point along
this track that resembles an sGRB we have seen before. Our
conclusion is that the γ-rays that we observed were most
likely emitted by a different emission mechanism than that
of a regular GRB.

6 SUMMARY AND DISCUSSION

We derived two different constrains on the processes that
took place in the neutron star merger event GW170817 and
its EM counterparts. First we derived a constraint on the
emission region that produced the prompt γ-rays. We have
shown that compactness implies a minimal Lorentz factor
(Γ ∼ 5 for “on-axis” source and larger for “off-axis” ones) of
the emitting region and a maximal angular distance from us
to the source. In particular, this angular separation should
have been very small (! 5◦; see Fig. 2) and it is much smaller
than the estimated angular separation between our view-
ing angle and the core of the jet as found by Mooley et al.

MNRAS 000, 1–7 (2018)
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FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.

the slow-red (∼ 0.1 − 0.2c) components (see e.g., Refs
[9, 23, 66]). When the HMNS loses its angular momen-
tum through GW emission and viscosity, it collapses to
a black hole, which may lead to the launch of relativistic
jets through Blandford-Znajek mechanism [67–70]. The
velocity fluctuations of jets make the internal shocks [71],
where the high-energy neutrinos are expected to be pro-
duced [72, 73]. The jets sweep up the ejecta material
during the propagation, forming a cocoon surrounding
the jet [30, 74–78]. If the cocoon pressure is high, it
pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutri-
nos [50]. In this study, following Ref. [50] for massive
stellar collapses, we discuss the neutrino emission from
these two sites. Note that we cannot expect particle ac-
celeration at the reverse and forward shocks of the jet
head, because the radiation constraint is satisfied there
(see Section II B). Figure 1 is the schematic picture of
this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass
Mej and velocity βej. We assume a time lag between the
ejecta production and the jet launching, tlag ∼ 1 s, and a
duration of the jet production similar to that of typical
SGRBs, tdur ∼ 2 s. At the time when the jet production
stops, the ejecta radius is estimated to be

Rej = cβej(tdur + tlag) (1)

≃ 3.0× 1010βej,−0.48χlag,0.18tdur,0.3 cm,

where we use χlag = 1+ tlag/tdur and notation Qx = 10x

in appropriate unit [βej,−0.48 = βej/(0.33), χlag,0.18 =
χlag/1.5, and tdur,0.3 = tdur/(2 s)]. Since the fast-blue
component is expected to be located in the polar region,
we use βej ≃ 0.33. This component may originate from

the outflow from the HMNS, so we assume the wind-like
density profile of the ejecta:

ρej =
Mej

4πR3
ej

!

R

Rej

"−2

. (2)

The dynamical ejecta can have a steeper density pro-
file, ρej ∝ R−3, and we do not discuss it for simplicity.
We consider the propagation of the jet whose isotropic
equivalent kinetic luminosity Lk,iso, Lorentz factor Γj ,
and opening angle θj , which leads to the intrinsic jet
kinetic luminosity Lk,jet = θ2jLk,iso/2 (the one-side jet
luminosity used in e.g. Refs. [76, 77, 79] is Lk,jet/2). At
the downstream of the collimation shock, the jet moves
along the jet axis with the Lorentz factor Γcj ∼ θ−1

j ∼
3.3θ−1

j,−0.52 (θj,−0.52 = θj/0.3), which makes the shock
Lorentz factor Γrel-cs ≈ Γj/(2Γcj) ≃ 45Γj,2.48θj,−0.52

(Γj,2.48 = Γj/300). Taking into account the fact that
Rej ∝ t, the jet head position is estimated to be

Rh = 2.2× 1010L1/3
k,iso,51θ

−2/3
j,−0.52M

−1/3
ej,−2 (3)

×β1/3
ej,−0.48t

4/3
dur,0.3χ

1/3
lag,0.18 cm,

where Lk,iso,51 = Lk,iso/(1051 erg s−1), Mej,−2 =
Mej/(0.01 M⊙) and we use the fitting formula of Ref.
[79] (see also Ref [77]). This estimate of Rh is at the
time of the jet quenching, i.e., t = tdur, where t = 0 is
the time when the jet starts being launched. The colli-
mation shock forms at

Rcs = 9.9× 109L1/2
k,iso,51M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18 cm,

(4)
where we use the formula in Ref. [79] again. Note that
the pressure gradient that may exist in more realistic sit-
uations leads to a collimation shock radius smaller than
the estimate above, especially if Rcs ≪ Rh [77], although
this formula is calibrated to match the results of numer-
ical simulations. In this sense, our setup could be op-
timistic, since we require that the high-energy neutrino
production occurs at radii smaller than Rcs as we see
later.
For the reference parameter set shown above, Rh < Rej

is satisfied at t = tdur. This means that the jet is choked
before it breaks out from the ejecta, resulting in a dimmer
event than the classical SGRBs. The critical luminosity
that satisfy Rh(tdur) = Rej is given as

Lk,iso,crit ≃ 2.4× 1051θ2j,−0.52Mej,−2β
2
ej,−0.48 (5)

×t−1
dur,0.3χ

2
lag,0.18 erg s−1.

For Lk,iso > Liso,crit, the jet and the cocoon break out
from the ejecta at breakout time t = tbo < tdur, resulting
in a classical SGRB with a successful jet. For t < tbo,
the situation is basically the same with the choked jet
system, where we can discuss the neutrino emission with
the same procedure (see Section V). For t > tbo, our es-
timate of Rcs is no longer valid, so we avoid discussion in
detail. Note that these estimates assume a wind-like den-
sity profile. For the cases with a steeper density profile of
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decay is expressed as

E2
νπ
µ

dN iso
νπ
µ

dEνπ
µ

≈
!

1

8
fpγ +

1

6
fpp

"

fπ,supE
2
p

dN iso
p

dEp
, (17)

where fpγ = t−1
pγ /t

−1
p,cl and fpp = t−1

pp /t
−1
p,cl are the neutrino

production efficiency through photomeson production
and inelastic pp collision, respectively, and the subscript
νπµ indicates the muon neutrinos produced from pions.
The muons decay to neutrinos and electrons/positrons,
whose spectrum is represented as

E2
νe

dN iso
νe

dEνe
≈ E2

νµ
µ

dN iso
νµ

µ

dEνµ
µ

≈ fµ,supE
2
νπ
µ

dN iso
νπ
µ

dEνπ
µ

, (18)

where fµ,sup = 1 − exp(−t−1
µ,dec/t

−1
µ,cl) is the suppression

factor by the muon cooling, t−1
µ,cl = t−1

µ,syn + t−1
dyn, and the

subscript νµµ indicates the muon neutrinos produced from
muons. These muon neutrinos and electron neutrinos
change their flavor during the propagation to the Earth.
The electron neutrinos and muon neutrino fluences at the
Earth are estimated to be [e.g., 90]

φνe+νe
=

10

18
φ0
νe+νe

+
4

18
(φ0

νµ+νµ
+ φ0

ντ+ντ
), (19)

φνµ+νµ
=

4

18
φ0
νe+νe

+
7

18
(φ0

νµ+νµ
+ φ0

ντ+ντ
), (20)

where φ0
i = (dN iso

i /dEi)/(4πd2L) is the neutrino fluence
without the oscillation and dL is the luminosity distance.
We set dL = 300 Mpc as a reference value, which is
the declination-averaged horizon distance for face-on NS-
NS merger events for the design sensitivity of the second
generation detectors [91].
The resultant muon neutrino fluences are shown in Fig-

ure 5 for optimistic (model A) and moderate (model B)
sets of parameters tabulated in Table I. These models are
different in Lk,iso and Γj , which mainly affect the normal-
ization of the fluence and the cutoff energy, respectively.
For model A, the neutrino spectrum has a cutoff around
Eν ∼ 200 TeV, while for model B, the spectrum break
appears at lower energy, Eν ∼ 50 TeV, due to the lower
Γj . The pion cooling causes the cutoff and the spectral
break. The combination of the muon cooling and the neu-
trino oscillation causes a slightly soft spectrum at 3 TeV
! Eν ! 200 TeV for model A and at 1 TeV ! Eν ! 50
TeV for model B.

B. Detection rates

These neutrinos can be detected by IceCube or
IceCube-Gen2 as νµ-induced track events, whose ex-
pected event number is estimated to be

Nµ =

#

φνAeff(δ, Eν)dEν , (21)

TABLE II. Detection probability of neutrinos by IceCube and
IceCube-Gen2

Number of detected neutrinos from single event at 40Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 2.0 0.16 8.7
B 0.11 7.0×10−3 0.46

Number of detected neutrinos from single event at 300Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 0.035 2.9×10−3 0.15
B 1.9×10−3 1.3×10−4 8.1×10−3

GW+neutrino detection rate [yr−1]

model IceCube (up+hor+down) Gen2 (up+hor)
A 0.38 1.2
B 0.024 0.091

where Aeff is the effective area. IceCube and IceCube-
Gen2 can also detect νes and ντ s as shower events (or
cascade events). The angular resolution of shower events
is much worse than that of track events. Also, the effec-
tive area for the shower events is smaller than the upgoing
track events. Thus, we focus on the detectability of νµ-
induced track events, although the shower events may be
important for the merger events in the southern sky.
We use the effective area shown in Ref. [92] for Ice-

Cube. For IceCube-Gen2, the effective volume can be 10
times larger than that of IceCube [93]. Hence, we use
102/3 times larger Aeff than that for IceCube, although
it depends on the specific configurations. The thresh-
old energy for the neutrino detection is set to 0.1TeV
for IceCube and 1 TeV for IceCube-Gen2. The down-
going events suffer from the atmospheric background.
Although the downgoing events can be used to discuss
the detectability with IceCube, Aeff for the downgoing
events with IceCube-Gen2 is quite uncertain. Thus, we
focus on the upgoing+horizontal events that have decli-
nation δ > −5◦ for IceCube-Gen2. KM3NeT will observe
the events in the southern sky [94], which will help make
coincident detections in the near future. Note that the
atmospheric neutrinos are negligible owing to the short
duration of tdur ∼ 2 s.
We calculate the expected number of detected neutri-

nos for models A and B for a single event located at
40Mpc, which are tabulated in the upper part of Table
II. IceCube is likely to detect a coincident neutrino signal
for our model A if the source is located on the northern
sky (δ > −5◦). For our model B, detection for a source
in the northern sky is also possible, but not guaranteed.
For IceCube-Gen2, detection is probable for the northern
sky events. If we put the source at 300 Mpc, neutrino
detection from a single event is unlikely with IceCube,
while it is possible with IceCube-Gen2 if the optimistic
event (model A) occurs at the northern sky.
We now calculate the joint GW+neutrino detection

rate for a population of sources, which we assume to be
uniformly distributed in the local universe. Using the
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• γ-rays are hidden. 
• Does particle acceleration really occur inside the ejecta? 
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Figure 3. Line expansion opacities of Se, Ru, Te (left), Ba, Nd, and Er (right). The calculations assume ρ = 1×10−13 g cm−3, T = 5, 000
K, and t = 1 day after the merger. The results are compared with the line expansion opacities of Fe calculated with Kurucz’s line list.
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Figure 4. Comparison of line expansion opacities between HULLAC and GRASP2K calculations. For singly ionized ions (Nd ii and
Er ii), the calculations assume ρ = 1× 10−13 g cm−3, T = 5, 000 K, and t = 1 day after the merger. For doubly ionized ions (Nd iii and
Er iii), the calculations assume the same density at the same epoch but T = 10, 000 K.

those of open s-shell (Ba) and p-shell (Se and Te) ele-
ments also have a similar trend with even lower opacities.
Figure 3 shows the opacity of each element calculated
with ρ = 1 × 10−13 g cm−3, T = 5, 000 K, and t = 1
day after the merger. For comparison, Fe opacities with
Kurucz’s line list (Kurucz & Bell 1995) are also shown.
The opacities of Nd and Er (open f-shell) are much higher
than that of Fe (open d-shell). The opacity of Ru (open
d-shell) is similar to that of Fe, which demonstrates the

similarity in the opacity for the elements with the same
open shell. The same is true for open p-shell; the opaci-
ties of Se and Te are found to be similar.
The opacities from the two atomic codes agree reason-

ably well. Figure 4 shows the line expansion opacities of
Nd ii, Nd iii, Er ii, and Er iii. As expected from the good
agreement in the energy levels (Figure 2), the opacities
from HULLAC and GRASP2K are almost indistinguish-
able for Nd ii and Nd iii. It is noted that, only the

• Heating rate depends on the abundance pattern. 
• Different atomic codes result in different opacities.

Heating rate different abundances. Opacity from two different codes.
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Figure 9. Katz integral of heating rates and light curves (left) and Katz integral up to 12.5 days as a function of the minimum atomic
mass number (right). The solar r-process abundance with A � Amin is used. The total r-process mass is set to be 0.05 ± 0.01M� and the
ejecta velocity profile with v0 = 0.1c, vmax = 0.4c and n = 4.5 is used. Here we consider only �-decays as a heat source. Also shown as
horizontal bars are the time-weighted integral of the observed bolometric light curve of the macronova GW170817 (the right hand side of
equation 33). The bolometric data are taken from (Waxman et al. 2018, SED integration) and Kasliwal et al. (2017).

around the second peak. The first peak elements are predominantly produced for Ye & 0.35. Numerical simulation
simulations of dynamical ejecta (Freiburghaus et al. 1999b; Bauswein et al. 2013; Sekiguchi et al. 2015; Foucart et al.
2016; Radice et al. 2016, 2018; Bovard et al. 2017) and disk wind (Fernández & Metzger 2013; Fernández et al. 2015;
Metzger & Fernández 2014; Perego et al. 2014; Just et al. 2015; Fujibayashi et al. 2017; Siegel & Metzger 2018) show
that Ye is broadly distributed in a certain atomic number range and the abundance patterns are typically consistent
with the solar pattern with a minimum atomic mass of Amin ⇠ 80–120. Note, however, that lighter elements are
synthesized more when neutrino absorption significantly changes the electron fraction. This occurs when the mass of
the accretion disk is su�ciently large (Just et al. 2015; Miller et al. 2019) and a long-lived massive neutron star is
formed (Metzger & Fernández 2014; Lippuner et al. 2017; Shibata et al. 2017).

6.2. Abundance pattern of super-heavy r-process elements

The macronova heating rate is potentially dominated by ↵-decay at later times depending on the initial abundance
of super-heavy nuclei of 222  A  225 (Wu et al. 2019). For instance, the ↵-decay heating rate is more powerful
than �-decay by a factor of ⇠ 5 after 10 days when Y (AX)/Y (Eu) ⇠ 1, where AX is 222Rn, 223Ra, 224Ra, and 225Ra.
However, the contribution of ↵-decay heating is still under the debate since di↵erent nuclear mass models predict
di↵erent initial abundances of these nuclei (Wu et al. 2019; Wanajo 2018). Here we discuss the initial abundance of
↵-decaying nuclei inferred from the measurements of Pb of r-rich stars. The measured abundance ratio of Pb to Eu
of r-rich stars, Y (Pb)/Y (Eu), is ⇡ 4 for typical r-rich stars and ⇡ 5 for the solar r-process pattern. The abundance
of Pb created via ↵-decays should not exceed this value. If all Pb results from the decay chains starting with 222Rn,
223Ra, and 224Ra, their initial abundances are Y (AX)/Y (Eu) ⇠ 1 and this case corresponds to the upper limit on the
↵-decay contribution

Q̇th,↵(t) . 5Q̇th,�(t) (t & 10 days). (34)

In reality, however, it is more likely that Pb is created by a larger number of decay chains. If we consider that ↵-
decaying elements are synthesized with a flat abundance pattern extending up to A = 250 as a zeroth-order estimate
of the production ratios, we obtain Y (AX)/Y (Eu) ⇠ 0.12 corresponding to that the fraction of the heating rate of
↵-decay to that of �-decay is about 0.6.

7. SUMMARY

We study the radioactive power of r-process nuclei and thermalization of �-rays, electrons, ↵-particles, and fission
fragments. Here, we use the experimental data of the injection energies and lifetimes. We show that the �-decay
heating rate after the thermalization time declines with time as / t�2.8, which is in agreement with the analytic result
of Waxman et al. (2019). With an ejecta mass of 0.05M� and minimum velocity of 0.1c, we find that the �-decay
heating rate starts to deviate from the radioactive power at ⇠ 10 day and gradually approaches / t�2.8 after the
thermalization time tth,� ⇠ 55 day. This suggests that the thermalization break is not su�ciently quick to explain a
break in the observed light curve around a week. The ↵-decay and spontaneous fission (254Cf) heating rates decline as
/ t�2.8 and t�3, respectively, after the thermalization time. Note that these only scalings are valid on time scales not
much longer than their mean lives. The code for computation of the heating rate for a given initial nuclear abundance
is publicly available.

We also present an analytic modeling to calculate macronova light curves arising from a homologously expanding
ejecta with a velocity gradient. Our model accounts for the photon di↵usion from di↵erent mass shells with di↵erent
expansion velocities. With the �-decay heating rate of r-process nuclei, we demonstrate that an ejecta model composed

Radioactivity and mass estimate 
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emission to the IR bands uncertain. Thus, while there is most likely a break around day 7 it is unclear that the
post-break slope is as steep as t�3. Figure 8 include also two data point which are the IR detection in a single band,
4.5µm, by Spitzer (Kasliwal et al. 2019). The spectrum at these times is clearly not thermal (there are simultaneous
non-detection at 3.6µm) and cannot be used for a reliable estimate of the bolometric luminosity. Therefore, we consider
here only the actual luminosity which was observed within the Spitzer 4.5µm band, which is a strict lower limit of the
bolometric luminosity.

Figure 8 shows also a semi-anlytic model of the bolometric light curve and the evolution of temperature at the
photosphere. Here, we assume a total ejecta mass of 0.05M� composed of r-process elements with the solar abundance
of 85  A  238. The density profile is assumed to be ⇢ / v�4.5 for 0.1c < v < 0.4c. To calculate the bolometric light
curve, we use radially varying opacity of 0.5 cm2/g for v > 0.2c and 3 cm2/g for v  0.2c. With these parameters,
the calculated light curve agrees with the observed data reasonably well including the early peak at 0.5 day and the
break of the light curve around a week. The reason for this break in our modeling can be understood by comparison
of the observed luminosity at any time to the heating rate at the same time. At early times, the photon di↵usion wave
is still at the outer part of the ejecta so that only a small fraction of the total radioactive deposited energy di↵use
out and the emergent luminosity is lower than the total heating rate. Thus, during this time energy is accumulated
within the ejecta and due to adiabatic losses the energy in the ejecta is comparable to the energy deposited over the
last dynamical time. On a time scale of a few days, the di↵usion wave proceeds deeper in the ejecta, so the di↵usion
time through most of the ejecta becomes comparable to the dynamical time. In this phase, all the deposited photons
escape to the observer and together with these photons, also radiation that were deposited at earlier times di↵use out
from the ejecta, leading to a bolometric luminosity that is higher than the instantaneous heating rate. At later times,
where the di↵usion wave has crossed all the ejecta, deposited heat escapes on time that is shorted than the dynamical
time and the bolometric luminosity approaches the instantaneous heating rate. Just before this last phase, there must
be a phase where the bolometric light curve declines faster than the heating rate, corresponding to the break around
a week in figure 8. The same behaviour is seen in all type I SNe where after the peak there is an episode where
the bolometric luminosity drops much faster than the 56Ni heating rate before it convergences to the late time 56Ni
tail. Note that in our model the break is unrelated to any change in the thermalization e�ciency. After a week the
contribution of the �-rays is already negligible while the coupling of the electrons is still e�cient. The break in the
heating rate that corresponds to ine�cient electron coupling is seen only at tth,� ⇡ 30 days. These results are di↵erent
than those of Waxman et al. (2018, 2019) that attribute the break at day 7 to tth,� . The reason for this di↵erence is,
at least in part, due to the fact that Waxman et al. (2018, 2019) assume that the energy of the deposited electrons is
1 MeV, while experimental data show that at the relevant time it is typically lower (see figure 1), which corresponds
to a larger value of tth,� .

An interesting point that we find in the attempt to fit the data with di↵erent compositions is that including a �-
decay chain, 88 88Kr!88Rb!88Sr, enhances the peak luminosity, where 88Kr and 88Rb have a half-life of 2.83 hr and
17.8 min, respectively. This decay chain releases ⇠ 5 MeV in electrons and �-rays. For example, the peak luminosity
with Amin = 85 is higher by a factor of ⇠ 2 than that with Amin = 90. The high peak luminosity of the macronova
GW170817 may indicate that this decay chain significantly contributes to the heat around the peak.

[How did you chose the abundances of the alpha decay elements?] Figure 9 depicts the bolometric light curve and
temperature in the case that ↵-decay heating is included. Because the heating rate at later times is significantly
enhanced by the ↵-decay contribution, the total ejecta mass required to fit the data is reduced to ⇡ 0.023M�. Here,
we use the density profile same to the above and the opacity of 0.5 cm2/g for v > 0.14c and 3 cm2/g for v  0.14c.
In this model, the light curve at 1 . t . 10 days decline with / t�1 resulting from that the ↵-decay heating kicks in
around 2 days. Then the model light curve turns to declines as / t�2.8 due to the thermalization ine�ciency. However,
the observed light curve falls more quickly than the model light curve.

5. THE KATZ INTEGRAL FOR MASS ESTIMATE

Estimate of the ejecta mass that use light curve modeling are degenerated with the opacity, heating rate, density
profile, as well as the outflow geometry and the viewing angle. Katz et al. (2013) suggest a powerful method to obtain
the total mass of radioactive elements, Mrad, from observed bolometric light curve data, Lbol(t), as long as the heat
deposition rate is known. The following relation between the heating rate and the bolometric light curve should be
valid for all times t � tf :

Mrad

Z t

0
t0 · Q̇th(t

0)dt0 =

Z t

0
t0 · Lbol(t

0)dt0, 0 (33)

where tf is the time where the di↵usion wave crosses the entire ejecta and the bolometric luminosity approches the
instantenouos heating rate, i.e., Lbol(t � tf ) ⇡ Q̇th(t). Since the heating rate Q̇th depends on the ejecta composition,
Mrad is determined for a given ejecta composition (see Nakar et al. 2016 for an application to core-collapse supernovae).
We emphasize that this method is fully independent of the opacity, which is the most uncertain quantety, and it is
also almost independent of the ejecta geometry, and velocity profile3. The light curve of the macronovae of GW170817
decline rapidly ay t > 7 day and at the same time the spectrum becomes non-thermal suggesting that by that time

3 The only dependence on the ejecta structure is through the thermalization time, which a↵ects the heat deposition rate on the left-hand
side of equation (33).

This estimate is insensitive to the opacity and geometry.
KH & Nakar in prep.


